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Cold Dark Matter

1.	Very	non-relativistic

It	must	be	cold	to	make	proper	formation	of	structures.
The	warmness	is	constrained	by	the	small	scale	structures
such	as	Lyman	alpha	observation.
The	hot	matter	like	neutrinos	cannot	be	the	main	DM.	

2.	Very	weak	interacting:	gravitationally

All	the	observational	evidences	of	DM	are	gravitational.
However	the	interactions	of	DM	can	be	larger	up	to	weak	interaction.	
The	strength	of	interaction	is	constrained	by	the	bullet	cluster,	direct	
dark	matter	detection,	and	particle	colliders.
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related to the symmetry. The interactions of new particles can be made weak or
weaker than that. The most non-trivial thing is to explain the relic density. The
dark matter was produced in the early Universe within the expanding history
and the abundance is connected to the interactions and the mass, both are
usually determined in the theory. The coldness of Dark is deeply connected to
the production mechanism of dark matter.

Maybe to explain the relic density is the most non-trivial problem in dark
matter. The present relic density of dark matter can be estimated with the
number density and the average energy in the phase distribution. Here Y is
the abundance, the ratio of number density to the entropy density, which is
constant after DM is decoupled from the thermal equilibrium. The average
energy can be the mass when DM is non-relativistic. The observed relic density
of DM Ωh2 ∼ 0.1 implies the relation between number density Y and the average
energy of DM at present, inversely proportional to each other. For heavy non-
relativistic DM, with the mass 100 GeV, the abundance is around 10−11 or for
the light DM with average energy is around 100 eV then the abundance must
be around 0.01. To be dark matter it must be located on around this red line

One of the famous is the WIMP. It was initially in the thermal equilibrium
and but becomes non-relativistic due to its heavy mass and the number density
is Boltzmann suppressed, which makes the decoupling happen much earlier than
the temperature of MeV for the light weakly interacting particles. So the Y is
really suppressed than 1. For light weakly interacting particles, they decouple
still they are in the relativistic, so Y is around order of 1. For this weakly
interacting particles, we could draw the plot of Y and the mass. For light
particles less than MeV, Y is constant and changes for the mass above MeV and
decreases inversely proportional to cubic of the mass. The line of relic density
Omega 1 is this red line. Above it is overproduced and ruled out. For heavy
neutrino case, the mass must be larger than around 2 GeV, and this is called
Lee-Weinberg bound. For GeV particles with weak interaction, the relic density
can be of the order of 1 for dark matter, it is the WIMP. Yes there is another
cross of red and blue lines with around keV mass range. That is called warm
dark matter.

The light gravitinos or sterile neutrinos with keV mass can be the good can-
didate for this. However at scales smaller than the free-streaming, cosmological
perturbations are erased and gravitational clustering is significantly suppressed.

ΩWDMh2 ≃
( m

1 keV

)

(

106.75

g∗

)

1040 (1)

m ! 10 keV 10−6 eV 10−19 eV 1 keV 100GeV eV ∼ 100GeV 1013GeV
(2)

Y ∼ 10−20 Y ≃ ηB ≃ 10−9 (3)
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Interaction

Mass
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Fig. 1. Several well-motivated candidates of DM are shown in the log–log plane of DM relic mass and �int representing the typical strength of interactions
with ordinary matter. The red, pink and blue colors represent HDM, WDM and CDM, respectively. This plot is an update of the previous figures [13,17].
(For interpretation of the references to color in this figure legend, the reader is referred to the web version of this article.)

of candidate. For reference, a SM neutrino with mass of order 0.1 eV and weak interaction strength of order 10�36 cm2 =
1 pb ' 1 GeV�2/3.92 is shown, although such a candidate would constitute hot DM (HDM) and thus does not meet the
need (of its velocity not exceeding the escape velocity in galaxies) for cold relics. For more details see Section 4.1.

The box marked ‘‘WIMP’’ represents ‘‘generic’’ weakly interacting massive particle candidates as thermal relics. Their
mass can lie in the range between a few GeV [15] (below which it would overclose the Universe) and some ⇠100 TeV from
unitarity constraints [18,19]. Their detection cross section is limited from above by direct DM search limits. Recently, the
strongest of these come from the Xenon100 [20] experiment and the LUX [21] experiment. A firm lower limit on the other
hand does not really exist; it can only be estimated on the basis of some kind of theoretical arguments of ‘‘naturalness’’. A
more detailed discussion of thermal WIMPs will be presented in Section 4.2.

The most highly scrutinized thermal relic is the lightest neutralino particle of supersymmetric (SUSY) theories [22,23],
hereafter referred to as simply the neutralino.5 The neutralino is particularly well-motivated since, in addition to solving
the DM problem, SUSY extensions of the SM contain a number of other attractive features both on the particle physics side
and in early Universe cosmology. From below, the neutralinomass is limited by LEP2 searches to lie above⇠50 GeV in GUT-
based SUSY models, but could be significantly lighter in more general SUSY models [27]. As an upper bound, the neutralino
mass is not expected to significantly exceed the⇠1 TeV scale based on the theoretical expectation of ‘‘naturalness’’. We will
discuss this important candidate in more detail below and in Section 4.2.

Another type of dark matter relic is called asymmetric dark matter (ADM). In this case, in contrast to the standardWIMP
scenario, one postulates both DM and anti-DM particles where an asymmetry can develop between the two, in analogy
to baryonic matter. The ADM possibility has recently received renewed interest and will be discussed in more detail in
Section 4.4.

An alternative possibility consists of strongly interacting massive particles (SIMPs). Candidate SIMP particles with mass
values around the MeV scale have been suggested as a DM possibility in Ref. [28]. While usually DM is not expected to
interact strongly, such candidates have been considered in the past (and for the most part been excluded [29] for instance
by searches for anomalous heavy nuclei or even by collider searches).

Moving down the vertical axis, the axion is a well known example of a non-thermal relic. Its interaction strength is
strongly suppressed relative to the weak strength by a factor (mW/fa)2, where fa ⇠ 1011 GeV is the PQ breaking scale.
Despite being of very light mass (⇠10�5 eV), the axion is nonetheless a CDM candidate since it is produced basically at rest
in the early Universe. The axion is a highly motivated and interesting candidate for CDM. It will be discussed in more detail
below and in Section 3.3.

In SUSY axion models, the axion supermultiplet contains, along with the axion, the spin- 12R-parity odd axino field ã and
the R-parity even spin-0 saxion field s. The axino, as the fermionic partner of the axion, is an example of an extremely–weakly

5 For reviews see, e.g., [24–26].

Candidates of Dark Matter
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Weakly Interacting Massive Particles 

2.	WIMPs	are	weakly	interacting.

In	the	early	Universe,	they	were	in	the	thermal	equilibrium	
with	background	relativistic	plasma,	by	changing	energy,	
momentum	and	number.

Due	to	the	expansion	of	the	Universe,	the	interaction	rate	
becomes	insufficient	for	the	scatterings	and	finally	the	interaction	
freeze-out.	

1.	WIMPs	are	massive.

They	are	non-relativistic	and	cold.
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• The scattering cross section and chemical/kinetic decoupling

Inelastic scatterings : Number changing interactions  

Elastic scatterings : change momentum (number conserved)

Chemical equilibrium

Kinetic equilibrium

Relic density

Structure formation

- The density perturbation can grow after kinetic decoupling

- Kinetic decoupling or free-streaming scale determines the minimum 
scale for the structure formation

1 Formulae

2 Dark Matter

Matters are around us, trees, food, animals. Even our body is made of matter.
From the first time of the history, human has been studying these matters,
to find out whether they are eatable or not, they are useful to make house
or clothes, they are strong enough to make weapons etc. Even nowadays we
are trying to understand the cells, materials atoms, stars. The mechanism of
their behaviors, the properties of the materials or the ultimate ingredients of
the matters, or what is the fundamental (the thing we cannot divide any more)
matters. At least now we understand the most of the matters are made of
atoms. They are made of charged particles, protons and electrons, thus they
may interact with light by electromagnetic interactions.

Those are successful at least in the world around us on earth, in the solar
system. However in the larger scales, such as galaxy, clusters of galaxies or in
the cosmological scales, it seems that something is missing.
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- Smaller scales are damped during kinetic decoupling

Friday, April 8, 16



WIMP :  Weakly Interacting Massive Particle
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ρc = 3H2
0M

2
P = 1.88× 10−29g cm−3 ΩDM =

ρDM

ρc
∼ 0.22 (4)

τDM > τage ∼ 1018 sec τDM > 1026 sec Z2 e+, p̄, γ, . . . (5)

SU(3)C × SU(2)L × U(1)Y (6)

(T ≫ m) (T ≪ m) n ∝ a−3 (7)

φ χ (8)

ζ = α
δΓ

Γ
(9)

Pζ = (1− r)2Pinf + r2Pχ (10)

Ωh2
WIMP =≃ ⟨σann⟩ ≃ 10−10 GeV−2 ≃ 10−38 cm2 (11)

Ωh2 = mn ≃ 0.28

(

Y

10−11

)

( m

100 GeV

)

(12)

dn

dt
+ 3Hn = −n2⟨σannv⟩ Y ≃ H

s⟨σannv⟩
(13)

n ∝ a−3 Y ≡ n

s
s ≡ 2π2

45
g∗T

3 sa3 = constant (14)

H =
ȧ

a
(15)

1

=n/s

6

thermal	equilibrium

[B. W. Lee and S. Weinberg, PRL 1977][P. Hut, PLB 1977]
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The chemical decoupling happens around m/20 = 1 - 100 GeV

Kinetic Decoupling Temperature of Neutralinos
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Figure 1. The left panel shows the phaseplot and solution for the WIMP
temperature evolution, for m� ⇠ 100 GeV and |M|2 ⇠ g4

Y (m�/!)2, expressed
in the dimensionless variables introduced in equations (8) and (9). At T . Tkd,
any departure from thermal equilibrium (T� = T ) is restored almost immediately
(except for a short period around the QCD phase transition); for T & Tkd,
the WIMPs decouple from the thermal bath and cool down with the Hubble
expansion as T� / a�2. In the right panel, the effective number of relativistic
degrees of freedom is plotted as a function of the temperature, implementing the
results of [24] for the evolution of this quantity during the QCD phase transition;
for reference, the decoupling of muons and electrons is also indicated.

In principle, the scattering with all types of SM particles contributes to c(T ), see equation
(A.8). This picture is a bit complicated by the fact that kinetic decoupling in some cases can
take place close to, or even above the QCD phase transition, the details of which are not yet
fully understood. Lattice calculations, however, start to converge at a value for the critical
temperature of Tc ⇡ 170 MeV for the most interesting case of two light (up and down) and
one more massive (strange) quark flavour [22] and indicate that the plasma can be described by
free quarks and gluons only for T & 4Tc [23]. For the effective number of degrees of freedom
during the transition, we adopt the results of [24] as displayed in the right panel of figure 1.
As scattering partners are concerned, we conservatively restrict ourselves to leptons and, for
T > 4Tc, to the three lightest quarks.

The resulting range in Tkd for neutralino DM, obtained after having performed the extensive
scan described in section 2, is shown in figure 2 as a function of the mass m� and gaugino
fraction Zg ⌘ |N11|2 + |N12|2 (in our case dominated by the bino fraction). The grey band
indicates the QCD phase transition; values for Tkd inside or above this band should be interpreted
as upper bounds on the decoupling temperature since the scattering with some of the hadronic
degrees of freedom was not taken into account. On the other hand, as the coupling of WIMPs
to hadrons is usually smaller than to leptons, the difference between this upper bound and the
actual value of Tkd is not expected to be very big; note also that the scattering with bound QCD
states like, e.g. pions is suppressed due to their rather large masses and thus small abundance
(the evolution of density fluctuations, on the other hand, may very well be influenced by the
details of the QCD phase transition, see the next section). In addition to the result of the scan,
the figure also indicates the decoupling temperature for four mSUGRA benchmark models
that were introduced in [16, 25] and present typical examples for neutralinos in the bulk (I 0),
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Figure 2. The range of decoupling temperatures for neutralino DM. For models
that fall inside or above the grey band marking the QCD phase transition, the
actual value of Tkd will be slightly smaller than indicated. See text for further
details.

coannihilation (J ⇤), funnel (K 0) and focus point (F⇤) region; the quite different annihilation
spectra in gamma rays for these models, and the resulting prospects for indirect detection, were
recently studied in some detail in [16, 26].

Assuming a constant equation of state and relativistic scattering partners, equation (5) has
actually an analytic solution [21] that can be used for a quick estimate of Tkd. This estimate
proves to be rather good (within 10% of the full result shown here) for masses below a few
hundred GeV; above that, however, the exact mass dependence of the number density of ⌧
leptons, in particular, can be crucial, leading in some cases to differences of more than a factor
of five between the two results. A further observation is that MSSM and mSUGRA models
occupy roughly the same regions in the Tkd–m� plane; the largest values of Tkd for higgsinos
(at high masses) and binos (at intermediate masses), however, corresponds nearly exclusively to
MSSM models, while almost all binos with a decoupling temperature below the band occupied
by mixed neutralino are mSUGRA models.

For illustrative reasons, finally, the right panel of figure 2 compares the kinetic with the
chemical decoupling temperature: as anticipated, kinetic decoupling takes place much later than
chemical decoupling, at temperatures a factor of 10–1000 lower. The possible range in Tkd is,
furthermore, considerably larger than the one in Tcd—which of course simply reflects the fact
that the DM relic density is constrained extremely well while there are so far no observations that
would put stringent bounds on Tkd (see also section 5.1). Note also that Tkd is fairly uncorrelated
with the chemical decoupling temperature, as well as with the neutralino annihilation cross
section.

To conclude this section, let us recall that the formalism presented here keeps the leading
order terms in p

2/m2
� , thus allowing the determination of the decoupling scale to an accuracy

of O(x�1
kd ); while this is usually more than sufficient, it would be straightforward to include also

New Journal of Physics 11 (2009) 105027 (http://www.njp.org/)

Kinetic decoupling takes place much later than chemical decoupling 
by a factor of 10 - 1000.

Kinetic Decoupling Temperature of Neutralinos
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Figure 3. The left panel shows the exponential cutoff scales associated to
the main damping mechanisms of the matter power spectrum after kinetic
decoupling, namely free streaming and the effect of acoustic oscillations,
respectively; for models above (below) the dashed line, the former (latter)
mechanism thus provides a stronger suppression of the power spectrum. In
the right panel, the cutoff mass resulting from the dominating of these two
independent effects is plotted against the neutralino mass, indicating the typical
size of the smallest protohalos to be formed.

Following the paradigm of hierarchical structure formation, the smallest scales, and
thus the scales closest to the cutoff, typically enter the nonlinear regime first. The smallest
gravitationally bound objects to be formed in the universe are in that case also the first;
protohalos with a mass of around Mcut. This behaviour has been confirmed numerically, where
these protohalos could be followed until a redshift of z ⇠ 26 [27]. The range of expected
minimal protohalo masses displayed in figure 3 is only slightly smaller than what was found
earlier [28] using an order-of-magnitude estimate for Tkd (based on [13]) instead of the exact
value as defined by the solution of equation (10). For a given model, however, it turns out
that the difference in the inferred cutoff mass still is typically about a factor of 10, rather
independent of m� ; adding to this the effect of identifying Mao (like in [14, 28]) instead of
Mcut = max[M fs, Mao] with the smallest protohalo mass, this difference can in some cases
increase to a factor of almost 1000.

5. Discussion

5.1. Observational prospects

Observational prospects depend crucially on whether the first protohalos survive until today
or whether they are disrupted due to tidal interactions in merger processes or encounters with
stars—an issue that is still under debate. Several studies show that even if the protohalos lose
some of their material on their way, most of the mass resides in a dense and compact core that

New Journal of Physics 11 (2009) 105027 (http://www.njp.org/)

Typical size of the smallest proto-halos :  

[Bringmann,	2009]

12

Finally, if DM consists of superWIMPs that result from the late decay of thermally
produced WIMPs, the actual cutoff in the power-spectrum is not the one from the WIMP
decoupling but the one that is imposed from the kinematics of the decay (through the mass
difference between decaying particle and DM particle). In fact, such models have been proposed
to address a certain tension that is sometimes claimed at ‘small’ scales (in this case Mpc
instead of the pc scales that correspond to Mcut ⇠ 10�5 M�) between observations and numerical
N -body simulations [50]. However, this idea works only partially [51]; what is more, the
evidence for small-scale ‘problems’ of standard 3CDM cosmology may soon well disappear
completely, with more detailed observations and N -body simulations starting to converge [52].
Nevertheless, late-decaying DM is an interesting possibility that does not have to be related
to this particular idea; in contrast to the typical Mcut for WIMPs, a large cutoff in the power
spectrum might even be possible to probe by future micro-lensing missions.

6. Conclusions

The kinetic decoupling process of WIMPs from the thermal bath can be followed in great
detail by solving the full Boltzmann equation in this regime. Extending the formalism presented
in [21], by allowing for non-relativistic scattering partners and taking into account the full time-
dependence of the effective number of degrees of freedom, a highly precise determination of
the decoupling temperature becomes possible that in turn can be translated into a small-scale
cutoff in the spectrum of matter density fluctuations.

An extensive scan over the parameter space for SUSY neutralino DM reveals a slightly
smaller range of cutoff masses, 10�11 M� to a few times 10�4 M�, but basically confirms the
only existing corresponding scan so far [28], which is based on an order-of-magnitude estimate
for the decoupling temperature (given in [13]). The resulting difference in Mcut for individual
WIMP models, however, can be sizable; typically of the order of 10, models with a difference
of almost 103 were found. Another important result of the scan presented here is that whether
free streaming or acoustic oscillations are more effective in the suppression of power on small
scales depends on the DM particle nature (in slight disagreement with the claim of [15] who
presented a very detailed study of the evolution of density contrasts through and after kinetic
decoupling, albeit based only on one particular DM candidate).

The range of decoupling temperatures and cutoff masses presented here is indicative for
the whole class of WIMP DM candidates, though many models—such as Kaluza–Klein DM—
will exhibit a much smaller range. For non-WIMP candidates, the mass of the smallest clumps
can differ significantly from the range derived here; it would be interesting to develop tools that
allow an as precise determination of the cutoff scale for these cases as for the case of WIMPs.
As for detectional prospects of the smallest DM clumps, many interesting ideas have been put
forward. Though challenging, it is an exciting possibility that one may be able to measure
the DM distribution on such scales in the future. In order to really address the connection to
the microphysics of the DM particles, however, one still needs a better understanding of how
the first protohalos evolve and, given their initial distribution, what they are expected to look
like today.

The routines for calculating the kinetic decoupling temperature and the associated cutoff
scale have been implemented in DarkSUSY [17] and will be available with the next release
(see footnote 1).

New Journal of Physics 11 (2009) 105027 (http://www.njp.org/)
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The identification of dark matter is one of the most important problem of
modern cosmology. I will talk about the candidates of dark matter beyond
standard WIMPs, especially for the gravitino and axino dark matter and its
relation to the early Universe and collider experiments.
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ã

h2 =
m

ã
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Evolution: Superhorizon Mode

For super-horizon mode,        and      constant.  
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For sub-horizon mode,       oscillates between gravity and pressure, which 
is the origin of the CMB acoustic oscillation.  

The identification of dark matter is one of the most important problem of
modern cosmology. I will talk about the candidates of dark matter beyond
standard WIMPs, especially for the gravitino and axino dark matter and its
relation to the early Universe and collider experiments.
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For sub-horizon mode,   the perturbation of DM density        :  

The identification of dark matter is one of the most important problem of
modern cosmology. I will talk about the candidates of dark matter beyond
standard WIMPs, especially for the gravitino and axino dark matter and its
relation to the early Universe and collider experiments.
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ã

h2 =
m

ã
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Before kinetic decoupling: DMs are tightly coupled to the radiation. 
Its perturbation oscillates in the same way as that of photons.The identification of dark matter is one of the most important problem of
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Perturbation of DM: Before Kinetic Decoupling
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After WIMP kinetic decoupling, the perturbation of WIMP can grow.The identification of dark matter is one of the most important problem of
modern cosmology. I will talk about the candidates of dark matter beyond
standard WIMPs, especially for the gravitino and axino dark matter and its
relation to the early Universe and collider experiments.
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Perturbation of DM: After Kinetic Decoupling

grows

The DM density perturbation grows logarithmically during Radiation-
Domination, and linearly to scale factor during Matter-Dominatoin.
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However during kinetic decoupling, the density perturbation of 
WIMP is exponentially suppressed.

When the radiation and DM are tightly coupled, they move 
together and behaves as a single fluid.

When the coupling becomes less effective, then the difference of 
the velocities behaves as a friction, so that the density perturbation 
of DM becomes suppressed. 
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Figure 4: Case (II) with k�1 < k�1
reh. The evolution of the density contrast of the scalar (black),

radiation (red) and WIMP DM (blue) respectively with respect to the gravitational potential
during SD, �0, for the scale which enters the horizon during SD.

where we have neglected O(1) contribution. During the transition period, ��⇢⇢ ⇠ ⇢r, and both
�r and � decay so that the dominant source for the evolution of �m is �� as given by (38), which
gives
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where kreh ⌘ arehHreh. In the following section, we show that this perturbation is not damped
by kinetic decoupling and persists during RD.

3.2 Perturbation during RD

After reheating when radiation dominates, DMs are still in kinetically coupled. We can divide
the case (I) into two classes; the modes that enter the horizon before kinetic decoupling (k�1 <
k�1
kd ), and after kinetic decoupling (k�1

kd < k�1). Including the case (II), we can solve the
following perturbation equations taking the values from the previous section as initial conditions
at T = Treh.

The perturbation equations for radiation and dark matter during RD are approximated as
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Kinetic decoupling scale of WIMPs determines 
the minimum size in the structure formation
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Isocurvature Perturbation

Different	density	perturbation	between	different	fluids.

Isocurvature perturbation between DM and radiation

APCTP-Pre2015-019, RUNHETC-2015-06

WIMP isocurvature perturbation and small scale structure

Ki-Young Choi,1, ⇤ Jinn-Ouk Gong,2, 3, † and Chang Sub Shin4, ‡
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The adiabatic perturbation of dark matter is damped during the kinetic decoupling due to the
collision with relativistic component on sub-horizon scales. However the isocurvature part is free
from damping and could be large enough to make a substantial contribution to the formation of
small scale structure. We explicitly study the weakly interacting massive particles as dark matter
with an early matter dominated period before radiation domination and show that the isocurvature
perturbation is generated during the phase transition and leaves imprint in the observable signatures
for small scale structure.

PACS numbers: 95.35.+d, 14.80.Ly, 98.80.Cq

Introduction. The formation of large scale structure
is consistent with non-relativistic dark matter (DM) in-
dependent of its nature. Small scale structure, however,
depends on the microphysics of DM and the correspond-
ing evolution in the early universe [1–4]. For weakly in-
teracting massive particles (WIMPs), the kinetic decou-
pling is a crucial stage to determine the size of smallest
object [5, 6]: during the process of kinetic decoupling col-
lisional damping smears out the inhomogeneities below
the corresponding damping scale. After kinetic decou-
pling WIMPs can move freely and this leads to additional
damping below the free streaming scale. For neutralino
DM, the kinetic decoupling scale is set when the temper-
ature is 10 MeV - 1 GeV for the mass between 100 GeV
and TeV [7].

In radiation dominated era (RD), while the “adiabatic”
component of DM perturbation on sub-horizon scales ex-
periences oscillations followed by collisional damping [8],
the isocurvature perturbation between DM and radia-
tion,

S ⌘ 3H

✓
�⇢m
⇢̇m

� �⇢r
⇢̇r

◆
= �m � 3

4
�r , (1)

remains constant without damped oscillations [9, 10].
This property was used to explain large scale structure
with baryon isocurvature perturbation [9], which is ruled
out now by the adiabatic constraint from the cosmic mi-
crowave background (CMB) [11]. However, large isocur-
vature perturbation on small scales is not constrained by
the CMB observations and can give observable signatures
in small scale structure.

In this article, we show how large isocurvature pertur-
bation of WIMPs can be generated for scales that enter
the horizon before the kinetic decoupling. If S = 0 at the

⇤
Electronic address: kiyoungchoi@kasi.re.kr

†
Electronic address: jinn-ouk.gong@apctp.org

‡
Electronic address: changsub@physics.rutgers.edu

onset of RD, it remains so during kinetic equilibrium. In-
stead, if an early matter dominated era precedes RD, a
sizable amount of S can be generated. We note that this
isocurvature perturbation will not be damped even if the
kinetic decoupling happens after the transition to RD.
Dark matter in non-thermal background. In the early

universe, it happens often that the energy density of the
universe is dominated by a non-relativistic matter which
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli and so on. As an illustra-
tion, we consider this dominating non-relativistic mat-
ter as a scalar � with a decay rate ��. Accordingly,
we call the epoch during which � dominates the energy
density as the scalar dominated era (SD). In the back-
ground, then there are three species of fluid: �, radiation
and DM. Their evolutions are governed by the continuity
equations,

⇢̇� + 3H⇢� = ���⇢� , (2)

⇢̇r + 4H⇢r = (1� fm)��⇢� +
h�avi
M

h
⇢2m � (⇢eqm )2

i
,

(3)

⇢̇m + 3H⇢m = fm��⇢� � h�avi
M

h
⇢2m � (⇢eqm )2

i
, (4)

where M is the mass of the DM particle, fm is the frac-
tion of the decay of � into DM, h�avi is the thermal
averaged annihilation cross section of DM and ⇢eqm ⇡
M4(2⇡M/T )�3/2 exp(�M/T ) is the energy density of
DM in thermal equilibrium. Here radiation is the rela-
tivistic particles thermalized quickly when produced from
the decay of �, and thus the temperature T is prop-
erly defined by its energy density ⇢r = ⇡2g⇤T

4/30 with
g⇤ being the e↵ective degrees of freedom of the rela-
tivistic particles in thermal equilibrium. The reheat-
ing temperature is then approximately given by T

reh

⇡
(⇡2g⇤/90)�1/4

p
m

Pl

��. For successful big bang nucle-
osynthesis, we require that T

reh

must be larger than
O(MeV) [12].
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Constraint on Isocurvature PerturbationPlanck Collaboration: Constraints on inflation 31

particles, leading to isocurvature perturbations correlated with
the adiabatic mode.

Several authors have studied the constraints on isocurva-
ture modes imposed by previous microwave background exper-
iments, including Stompor et al. (1996), Langlois & Riazuelo
(2000), Amendola et al. (2002), Peiris et al. (2003), Valiviita &
Muhonen (2003), Bucher et al. (2004), Moodley et al. (2004),
Beltran et al. (2004), Kurki-Suonio et al. (2005), Dunkley et al.
(2005), Bean et al. (2006), Trotta (2007), Keskitalo et al. (2007),
and Komatsu et al. (2009). A more complete set of references
may be found in Valiviita et al. (2012).

Before proceeding we must define precisely how to char-
acterize these isocurvature modes on superhorizon scales dur-
ing the post-entropy-generation epoch, during which we assume
that the stress-energy content of the Universe can be modelled as
a multi-component fluid composed of baryons, CDM particles,
photons, and neutrinos. If we assume that the evolution of the
Universe during this epoch was adiabatic (used here in the sense
of thermodynamically reversible), then the entropy per unit co-
moving volume is conserved and serves as a useful reference
with respect to which the abundances of the other components
can be expressed.

The baryon isocurvature mode may be expressed in terms of
fractional fluctuations in the baryon-to-entropy ratio, which is
conserved on superhorizon scales during this epoch. The CDM
and neutrino density isocurvature (NDI) modes may be defined
analogously. The neutrino velocity isocurvature (NVI) modes
refer to fluctuations in the neutrino velocity relatively to the
average bulk velocity of the cosmic fluid. For the CMB, the
baryon and CDM isocurvature modes yield almost identical an-
gular spectra, because the deficit of one is balanced by an ex-
cess of the other, so we do not consider them separately here.
In this way the primordial isocurvature modes may be defined
as dimensionless stochastic variables ICDI, INDI, INVI, like the
variable R describing the adiabatic mode.15 In this basis, the
CDI mode can be seen as an effective isocurvature mode, en-
coding both CDM and baryon isocurvature fluctuations through
Ie↵ective

CDI = ICDI + (⌦b/⌦c)IBI (Gordon & Lewis, 2003).
Within this framework, Gaussian fluctuations for the most

general cosmological perturbation are described by a 4 ⇥ 4 pos-
itive definite matrix-valued power spectrum of the form

PPP(k) =

0

B
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C

C

C

C

C

A

. (64)

Following the conventions used in CAMB (Lewis & Bridle, 2002;
Lewis, 2011) and CLASS (Lesgourgues, 2011; Blas et al., 2011),
the primordial isocurvature modes are normalized as follows
in the synchronous gauge: for the CDI mode, PII(k) is the
primordial power spectrum of the density contrast difference
�⇢CDM/⇢CDM; for the NDI mode it is that of �⇢⌫/⇢⌫; and for the
NVI mode, that of the neutrino velocity v⌫ times 4/316.

If isocurvature modes are present, the most plausible
mechanism for exciting them involves inflation with a multi-
component inflaton field. To have an interesting spectrum on
the large scales probed by the CMB, isocurvature modes require

15 The symbol S is sometimes used in the literature to denote the
isocurvature modes, also known as entropy perturbations. To prevent
confusion we avoid this terminology because isocurvature modes are
unrelated to any notion of thermodynamic entropy.

16 or in other words, of the neutrino perturbation dipole,
F⌫1 = 4✓v/(3k) in the notation of Ma & Bertschinger (1995).
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Fig. 21. CTT anisotropy shape for the three isocurvature modes.
Top: The shapes of the CDM isocurvature mode, neutrino den-
sity isocurvature mode and neutrino velocity isocurvature mode
are shown together with the adiabatic mode. The modes have
the same amplitude parameters (PRR for the adiabatic mode and
PII for each isocurvature mode). Bottom: the narrower multi-
pole range illustrates the relative phases of the acoustic oscilla-
tions for these modes.

long-range correlations, and at present inflation with a multi-
component inflaton provides a well-motivated scenario for es-
tablishing such correlations. Inflation with a single component
scalar field can excite only the adiabatic mode. In models of
inflation with light (compared to the Hubble expansion rate)
transverse directions, the scalar field along these transverse di-
rections becomes disordered in a way described by an approxi-
mately scale-invariant spectrum. If the inflaton has N light com-
ponents, there are (N�1) potential isocurvature modes during in-
flation. Whether or not the fluctuations along these transverse di-
rections are subsequently transformed into the late-time isocur-
vature modes described above depends on the details of what
happens after inflation, as described more formally below.

As explained for example in Gordon et al. (2001),
Groot Nibbelink & van Tent (2000, 2002) and Byrnes & Wands
(2006), for inflationary models where the inflaton follows a
curved trajectory, correlations are generically established be-
tween the isocurvature and curvature degrees of freedom. To
lowest order in the slow-roll approximation, this leads to a situa-
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included in the summary Table 12. The power spectra PRR(k),
PRI(k), and PII(k) are normalized according to the primordial
values of the fields R(x) and I(x) defined above. It is interest-
ing to consider how much isocurvature is allowed expressed as a
fraction of the power in three bands spanning the CMB temper-
ature spectrum observed by Planck. To this end, we define the
following derived quantities

↵RR(`min, `max) =
(�T )2

RR(`min, `max)
(�T )2

tot(`min, `max)
, (68)

↵II(`min, `max) =
(�T )2

II(`min, `max)

(�T )2
tot(`min, `max)

, (69)

↵RI(`min, `max) =
(�T )2

RI(`min, `max)

(�T )2
tot(`min, `max)

, (70)

where

(�T )2
X(`min, `max) =

`max
X

`=`min

(2` + 1)CTT
X,` . (71)

The 95% confidence limits from the one-dimensional posterior
distributions for these fractional contributions in the full range
(`min, `max) = (2, 2500) are shown in Table 12. The range of al-
lowed values for ↵RR(2, 2500) is a measure of the adiabaticity of
fluctuations in the CMB. The posterior distributions of the frac-
tions ↵II, ↵RI in three multipole ranges are shown in Fig. 23.
We also report the primordial isocurvature fraction, defined as

�iso(k) =
PII(k)

PRR(k) + PII(k)
(72)

at three values of k. Table 12 also shows the effective �2 =
�2 lnLmax for all models, compared to the minimal six-
parameter⇤CDM model. In Fig. 24 we show the ratio of temper-
ature spectra for the best-fit mixed model to the adiabatic model.

Fig. 22. Two dimensional distributions for power in isocurvature
modes, using Planck+WP data.

Fig. 23. Fractional contribution of isocurvature modes to the
spectrum. We show the distributions ↵II(2, 20), ↵RI(2, 20),
↵II(21, 200), ↵RI(21, 200), ↵II(201, 2500), ↵RI(201, 2500) de-
fined in Eq. 70 for the CDI, NDI, NVI modes, constrained with
Planck+WP data.

Fig. 24. Temperature spectrum of best-fit models with a mix-
ture of adiabatic and isocurvature modes. Top: spectrum of the
best-fit mixed models relative to that of the pure adiabatic model.
Bottom: zoom on the Sachs-Wolfe plateau of the best-fit temper-
ature spectrum D` = [`(`+1)/2⇡]CTT

` , for each of the three cases
plus the pure adiabatic model, shown together with Planck low-`
data points.

The results for ↵RR(2, 2500) show that the nonadiabatic con-
tribution to the temperature variance can be as large as 7% (9%,
5%) in the CDI (NDI, NVI) model (95% CL). These results are
driven by the fact that on large scales, for l  40, the Planck
data points on average have a slightly smaller amplitude than
the best-fitting ⇤CDM model. Hence the data prefer a signifi-

Fraction of isocurvature
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where ⌦a is the relic axion density, Ra the fraction of CDM con-
sisting of axions, and fa the PQ symmetry breaking scale. In this
model, CDM isocurvature perturbations should be totally uncor-
related with adiabatic perturbations, and have a spectral index
nII very close to one, since in the first-order slow-roll approx-
imation the index reads (1 � 2✏V ). Since the sensitivity of the
data to nII is very limited (Beltran et al., 2007), we assume for
simplicity that nII = 1.

Within the general parametrization presented in Eq. 66, we
can select the axion case by imposing P(1,2)

RI = 0, as well as the
condition

P(2)
II = P(1)

II, (74)

corresponding to nII = 1. We therefore have three indepen-
dent parameters, P(1,2)

RR , P(1)
II, and we sample these parame-

ters with uniform prior distributions. The fraction �iso(k⇤) with
k⇤ = 0.05 Mpc�1 is then a derived parameter. Since the data con-
strain �iso ⌧ 1, the relation between �iso andP(1)

II is nearly linear,
so the primordial isocurvature fraction is sampled with a close-
to-uniform prior.

Constraints on this model are shown in Table 12. We find

�iso < 0.039 (95% CL,Planck+WP), (75)

at the scale kmid = 0.05 Mpc�1, with a best-fit value of zero.
Hence there is no evidence for axion-generated isocurvature
perturbations. This limit significantly improves the latest CMB
bounds: at the scale k = 0.002 Mpc�1, our result reads �iso <
0.036, to be compared with �iso < 0.15 for WMAP 9-year alone,
or �iso < 0.061 for WMAP+ACT+SPT at 95% CL (Hinshaw
et al., 2012b). This bound can be used to exclude regions in
the parameter space composed of fa, Ra, and the energy scale
of inflation, but cannot be used to obtain a model-independent
bound on fa. However, if we assume (i) that the PQ symmetry
is broken during inflation, (ii) that it is not restored by the quan-
tum fluctuations of the inflaton (which imposes Hinf/(2⇡) < fa),
nor by thermal fluctuations in case of a very efficient reheating
stage, and (iii) that all of CDM consists in axions produced by
the misalignment angle, then we can derive an upper bound on
the energy scale of inflation as

Hinf  0.87 ⇥ 107 GeV
 

fa
1011 GeV

!0.408

(95% CL) . (76)

10.3.2. Constraints on the curvaton scenario

In the simplest one-field inflationary models curvature perturba-
tions arise from quantum fluctuations in the inflaton field, but
this is not the only way to generate them. Entropy perturbations
may seed curvature perturbations outside the horizon (Polarski
& Starobinsky, 1994; Gordon et al., 2001), so it is possible that
a significant component of the observed adiabatic mode could
be strongly correlated with an isocurvature mode. This happens
for instance in the curvaton scenario (Mollerach, 1990; Enqvist
& Sloth, 2002; Moroi & Takahashi, 2001; Lyth & Wands, 2002;
Lyth et al., 2003; Gordon & Lewis, 2003). The curvaton is an
extra light scalar field acquiring a spectrum of fluctuations on
cosmological scales during inflation. Depending on its density
evolution and decay history, this field could be responsible for

part of the observed adiabatic perturbations, or all of them, or
for a mixture of correlated adiabatic and isocurvature perturba-
tions.

We focus here on the simplest viable version of this sce-
nario, in which the curvaton decays into CDM particles while
contributing to a non-negligible fraction

rD =
3⇢curvaton

3⇢curvaton + 4⇢radiation
(77)

of the total energy density of the Universe. If the curvaton dom-
inates at decay time (rD = 1), its primordial fluctuations seed
curvature perturbations equivalent to a pure adiabatic mode. If
rD < 1, curvaton fluctuations are only partially converted into
adiabatic perturbations, while CDM particles carry CDI pertur-
bations, that are fully correlated with the adiabatic ones since
they share a common origin. We recall that with our conventions,
“fully correlated” means that the cross-correlation term brings a
positive contribution to the Sachs-Wolfe component of the total
temperature spectrum; some authors define the correlation with
the opposite sign and and call this case “fully anti-correlated”
(e.g., Komatsu et al., 2011; Hinshaw et al., 2012b). In this model,
the CDI fraction is related to rD by (Gordon & Lewis, 2003)

ICDI

R =
3(1 � rD)

rD
. (78)

In our notation this is equivalent to

�iso =
9(1 � rD)2

r2
D + 9(1 � rD)2

. (79)

Within the general parametrization presented in Eq. 66, we can
satisfy this case by imposing

P(1)
RI

q

P(1)
RRP(1)

II

=
P(2)
RI

q

P(2)
RRP(2)

II

= 1, (80)

together with the condition

P(2)
II =

P(1)
IIP(2)

RR
P(1)
RR
, (81)

corresponding to nII = nRR. Like in the axion case, this results
in three independent parameters P(1,2)

RR , P(1)
II which we sample

with uniform priors. The constraints for this model are shown in
Table 12. The best-fit model is still the pure adiabatic case, and
the upper bound

�iso < 0.0025 (95% CL,Planck+WP) (82)

is scale independent, since the adiabatic and isocurvature tilts
are assumed to be equal. This is a significant improvement over
the WMAP 9-year bounds, �iso < 0.012 for WMAP alone, or
�iso < 0.0076 for WMAP+ACT+SPT at 95% CL (Hinshaw et al.,
2012b). We conclude that in this scenario, the curvaton should
decay when it dominates the energy density of the Universe, with
rD > 0.983.

The non-linearity parameter in the curvaton model studied
here is (Bartolo et al., 2004c,b)

f local
NL =

5
4rD
� 5

3
� 5rD

6
, (83)

assuming a quadratic potential for the curvaton field (Sasaki
et al., 2006). In the pure adiabatic case (rD = 1) this leads to
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where ⌦a is the relic axion density, Ra the fraction of CDM con-
sisting of axions, and fa the PQ symmetry breaking scale. In this
model, CDM isocurvature perturbations should be totally uncor-
related with adiabatic perturbations, and have a spectral index
nII very close to one, since in the first-order slow-roll approx-
imation the index reads (1 � 2✏V ). Since the sensitivity of the
data to nII is very limited (Beltran et al., 2007), we assume for
simplicity that nII = 1.

Within the general parametrization presented in Eq. 66, we
can select the axion case by imposing P(1,2)

RI = 0, as well as the
condition
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corresponding to nII = 1. We therefore have three indepen-
dent parameters, P(1,2)

RR , P(1)
II, and we sample these parame-

ters with uniform prior distributions. The fraction �iso(k⇤) with
k⇤ = 0.05 Mpc�1 is then a derived parameter. Since the data con-
strain �iso ⌧ 1, the relation between �iso andP(1)

II is nearly linear,
so the primordial isocurvature fraction is sampled with a close-
to-uniform prior.

Constraints on this model are shown in Table 12. We find

�iso < 0.039 (95% CL,Planck+WP), (75)

at the scale kmid = 0.05 Mpc�1, with a best-fit value of zero.
Hence there is no evidence for axion-generated isocurvature
perturbations. This limit significantly improves the latest CMB
bounds: at the scale k = 0.002 Mpc�1, our result reads �iso <
0.036, to be compared with �iso < 0.15 for WMAP 9-year alone,
or �iso < 0.061 for WMAP+ACT+SPT at 95% CL (Hinshaw
et al., 2012b). This bound can be used to exclude regions in
the parameter space composed of fa, Ra, and the energy scale
of inflation, but cannot be used to obtain a model-independent
bound on fa. However, if we assume (i) that the PQ symmetry
is broken during inflation, (ii) that it is not restored by the quan-
tum fluctuations of the inflaton (which imposes Hinf/(2⇡) < fa),
nor by thermal fluctuations in case of a very efficient reheating
stage, and (iii) that all of CDM consists in axions produced by
the misalignment angle, then we can derive an upper bound on
the energy scale of inflation as
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10.3.2. Constraints on the curvaton scenario

In the simplest one-field inflationary models curvature perturba-
tions arise from quantum fluctuations in the inflaton field, but
this is not the only way to generate them. Entropy perturbations
may seed curvature perturbations outside the horizon (Polarski
& Starobinsky, 1994; Gordon et al., 2001), so it is possible that
a significant component of the observed adiabatic mode could
be strongly correlated with an isocurvature mode. This happens
for instance in the curvaton scenario (Mollerach, 1990; Enqvist
& Sloth, 2002; Moroi & Takahashi, 2001; Lyth & Wands, 2002;
Lyth et al., 2003; Gordon & Lewis, 2003). The curvaton is an
extra light scalar field acquiring a spectrum of fluctuations on
cosmological scales during inflation. Depending on its density
evolution and decay history, this field could be responsible for

part of the observed adiabatic perturbations, or all of them, or
for a mixture of correlated adiabatic and isocurvature perturba-
tions.

We focus here on the simplest viable version of this sce-
nario, in which the curvaton decays into CDM particles while
contributing to a non-negligible fraction

rD =
3⇢curvaton

3⇢curvaton + 4⇢radiation
(77)

of the total energy density of the Universe. If the curvaton dom-
inates at decay time (rD = 1), its primordial fluctuations seed
curvature perturbations equivalent to a pure adiabatic mode. If
rD < 1, curvaton fluctuations are only partially converted into
adiabatic perturbations, while CDM particles carry CDI pertur-
bations, that are fully correlated with the adiabatic ones since
they share a common origin. We recall that with our conventions,
“fully correlated” means that the cross-correlation term brings a
positive contribution to the Sachs-Wolfe component of the total
temperature spectrum; some authors define the correlation with
the opposite sign and and call this case “fully anti-correlated”
(e.g., Komatsu et al., 2011; Hinshaw et al., 2012b). In this model,
the CDI fraction is related to rD by (Gordon & Lewis, 2003)
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corresponding to nII = nRR. Like in the axion case, this results
in three independent parameters P(1,2)

RR , P(1)
II which we sample

with uniform priors. The constraints for this model are shown in
Table 12. The best-fit model is still the pure adiabatic case, and
the upper bound

�iso < 0.0025 (95% CL,Planck+WP) (82)

is scale independent, since the adiabatic and isocurvature tilts
are assumed to be equal. This is a significant improvement over
the WMAP 9-year bounds, �iso < 0.012 for WMAP alone, or
�iso < 0.0076 for WMAP+ACT+SPT at 95% CL (Hinshaw et al.,
2012b). We conclude that in this scenario, the curvaton should
decay when it dominates the energy density of the Universe, with
rD > 0.983.

The non-linearity parameter in the curvaton model studied
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assuming a quadratic potential for the curvaton field (Sasaki
et al., 2006). In the pure adiabatic case (rD = 1) this leads to
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where ⌦a is the relic axion density, Ra the fraction of CDM con-
sisting of axions, and fa the PQ symmetry breaking scale. In this
model, CDM isocurvature perturbations should be totally uncor-
related with adiabatic perturbations, and have a spectral index
nII very close to one, since in the first-order slow-roll approx-
imation the index reads (1 � 2✏V ). Since the sensitivity of the
data to nII is very limited (Beltran et al., 2007), we assume for
simplicity that nII = 1.

Within the general parametrization presented in Eq. 66, we
can select the axion case by imposing P(1,2)

RI = 0, as well as the
condition
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corresponding to nII = 1. We therefore have three indepen-
dent parameters, P(1,2)
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II, and we sample these parame-

ters with uniform prior distributions. The fraction �iso(k⇤) with
k⇤ = 0.05 Mpc�1 is then a derived parameter. Since the data con-
strain �iso ⌧ 1, the relation between �iso andP(1)

II is nearly linear,
so the primordial isocurvature fraction is sampled with a close-
to-uniform prior.

Constraints on this model are shown in Table 12. We find

�iso < 0.039 (95% CL,Planck+WP), (75)

at the scale kmid = 0.05 Mpc�1, with a best-fit value of zero.
Hence there is no evidence for axion-generated isocurvature
perturbations. This limit significantly improves the latest CMB
bounds: at the scale k = 0.002 Mpc�1, our result reads �iso <
0.036, to be compared with �iso < 0.15 for WMAP 9-year alone,
or �iso < 0.061 for WMAP+ACT+SPT at 95% CL (Hinshaw
et al., 2012b). This bound can be used to exclude regions in
the parameter space composed of fa, Ra, and the energy scale
of inflation, but cannot be used to obtain a model-independent
bound on fa. However, if we assume (i) that the PQ symmetry
is broken during inflation, (ii) that it is not restored by the quan-
tum fluctuations of the inflaton (which imposes Hinf/(2⇡) < fa),
nor by thermal fluctuations in case of a very efficient reheating
stage, and (iii) that all of CDM consists in axions produced by
the misalignment angle, then we can derive an upper bound on
the energy scale of inflation as
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In the simplest one-field inflationary models curvature perturba-
tions arise from quantum fluctuations in the inflaton field, but
this is not the only way to generate them. Entropy perturbations
may seed curvature perturbations outside the horizon (Polarski
& Starobinsky, 1994; Gordon et al., 2001), so it is possible that
a significant component of the observed adiabatic mode could
be strongly correlated with an isocurvature mode. This happens
for instance in the curvaton scenario (Mollerach, 1990; Enqvist
& Sloth, 2002; Moroi & Takahashi, 2001; Lyth & Wands, 2002;
Lyth et al., 2003; Gordon & Lewis, 2003). The curvaton is an
extra light scalar field acquiring a spectrum of fluctuations on
cosmological scales during inflation. Depending on its density
evolution and decay history, this field could be responsible for

part of the observed adiabatic perturbations, or all of them, or
for a mixture of correlated adiabatic and isocurvature perturba-
tions.

We focus here on the simplest viable version of this sce-
nario, in which the curvaton decays into CDM particles while
contributing to a non-negligible fraction

rD =
3⇢curvaton

3⇢curvaton + 4⇢radiation
(77)

of the total energy density of the Universe. If the curvaton dom-
inates at decay time (rD = 1), its primordial fluctuations seed
curvature perturbations equivalent to a pure adiabatic mode. If
rD < 1, curvaton fluctuations are only partially converted into
adiabatic perturbations, while CDM particles carry CDI pertur-
bations, that are fully correlated with the adiabatic ones since
they share a common origin. We recall that with our conventions,
“fully correlated” means that the cross-correlation term brings a
positive contribution to the Sachs-Wolfe component of the total
temperature spectrum; some authors define the correlation with
the opposite sign and and call this case “fully anti-correlated”
(e.g., Komatsu et al., 2011; Hinshaw et al., 2012b). In this model,
the CDI fraction is related to rD by (Gordon & Lewis, 2003)
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together with the condition
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corresponding to nII = nRR. Like in the axion case, this results
in three independent parameters P(1,2)

RR , P(1)
II which we sample

with uniform priors. The constraints for this model are shown in
Table 12. The best-fit model is still the pure adiabatic case, and
the upper bound

�iso < 0.0025 (95% CL,Planck+WP) (82)

is scale independent, since the adiabatic and isocurvature tilts
are assumed to be equal. This is a significant improvement over
the WMAP 9-year bounds, �iso < 0.012 for WMAP alone, or
�iso < 0.0076 for WMAP+ACT+SPT at 95% CL (Hinshaw et al.,
2012b). We conclude that in this scenario, the curvaton should
decay when it dominates the energy density of the Universe, with
rD > 0.983.

The non-linearity parameter in the curvaton model studied
here is (Bartolo et al., 2004c,b)

f local
NL =
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3
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, (83)

assuming a quadratic potential for the curvaton field (Sasaki
et al., 2006). In the pure adiabatic case (rD = 1) this leads to

The constraint from CMB is applied only to the large scale modes.

No constraint on smaller scales.
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WIMP is Adiabatic

WIMPs are by definition adiabatic, since they are created from 
the background plasma (radiation) at all scales.

The identification of dark matter is one of the most important problem of
modern cosmology. I will talk about the candidates of dark matter beyond
standard WIMPs, especially for the gravitino and axino dark matter and its
relation to the early Universe and collider experiments.
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and so

This is fully consistent with observation.
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WIMP Isocurvature Perturbation?

 Is it possible to have a large isocurvature perturbation at 
small scales with adiabatic at large scales?

- However there is one case, when 

- Not possible in the standard WIMP.

Figure 1: The joint 68% and 95% confidence contours for (B, v') (left panel) and

(v', N) (right panel), for Planck TT+lowP (red) and Planck TT, TE, EE+lowP (blue)

data, respectively.
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Isocurvature perturbation

Isocurvature perturbation is not damped during kinetic decoupling.

[Peebles, ApJ 1987]
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Introduction. The formation of large scale structure
is consistent with non-relativistic dark matter (DM) in-
dependent of its nature. Small scale structure, however,
depends on the microphysics of DM and the correspond-
ing evolution in the early universe [1–4]. For weakly in-
teracting massive particles (WIMPs), the kinetic decou-
pling is a crucial stage to determine the size of smallest
object [5, 6]: during the process of kinetic decoupling col-
lisional damping smears out the inhomogeneities below
the corresponding damping scale. After kinetic decou-
pling WIMPs can move freely and this leads to additional
damping below the free streaming scale. For neutralino
DM, the kinetic decoupling scale is set when the temper-
ature is 10 MeV - 1 GeV for the mass between 100 GeV
and TeV [7].

In radiation dominated era (RD), while the “adiabatic”
component of DM perturbation on sub-horizon scales ex-
periences oscillations followed by collisional damping [8],
the isocurvature perturbation between DM and radia-
tion,

S ⌘ 3H

✓
�⇢m
⇢̇m

� �⇢r
⇢̇r

◆
= �m � 3

4
�r , (1)

remains constant without damped oscillations [9, 10].
This property was used to explain large scale structure
with baryon isocurvature perturbation [9], which is ruled
out now by the adiabatic constraint from the cosmic mi-
crowave background (CMB) [11]. However, large isocur-
vature perturbation on small scales is not constrained by
the CMB observations and can give observable signatures
in small scale structure.

In this article, we show how large isocurvature pertur-
bation of WIMPs can be generated for scales that enter
the horizon before the kinetic decoupling. If S = 0 at the
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onset of RD, it remains so during kinetic equilibrium. In-
stead, if an early matter dominated era precedes RD, a
sizable amount of S can be generated. We note that this
isocurvature perturbation will not be damped even if the
kinetic decoupling happens after the transition to RD.
Dark matter in non-thermal background. In the early

universe, it happens often that the energy density of the
universe is dominated by a non-relativistic matter which
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli and so on. As an illustra-
tion, we consider this dominating non-relativistic mat-
ter as a scalar � with a decay rate ��. Accordingly,
we call the epoch during which � dominates the energy
density as the scalar dominated era (SD). In the back-
ground, then there are three species of fluid: �, radiation
and DM. Their evolutions are governed by the continuity
equations,

⇢̇� + 3H⇢� = ���⇢� , (2)

⇢̇r + 4H⇢r = (1� fm)��⇢� +
h�avi
M

h
⇢2m � (⇢eqm )2

i
,

(3)

⇢̇m + 3H⇢m = fm��⇢� � h�avi
M

h
⇢2m � (⇢eqm )2

i
, (4)

where M is the mass of the DM particle, fm is the frac-
tion of the decay of � into DM, h�avi is the thermal
averaged annihilation cross section of DM and ⇢eqm ⇡
M4(2⇡M/T )�3/2 exp(�M/T ) is the energy density of
DM in thermal equilibrium. Here radiation is the rela-
tivistic particles thermalized quickly when produced from
the decay of �, and thus the temperature T is prop-
erly defined by its energy density ⇢r = ⇡2g⇤T

4/30 with
g⇤ being the e↵ective degrees of freedom of the rela-
tivistic particles in thermal equilibrium. The reheat-
ing temperature is then approximately given by T

reh

⇡
(⇡2g⇤/90)�1/4

p
m

Pl

��. For successful big bang nucle-
osynthesis, we require that T

reh

must be larger than
O(MeV) [12].
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Introduction. The formation of large scale structure
is consistent with non-relativistic dark matter (DM) in-
dependent of its nature. Small scale structure, however,
depends on the microphysics of DM and the correspond-
ing evolution in the early universe [1–4]. For weakly in-
teracting massive particles (WIMPs), the kinetic decou-
pling is a crucial stage to determine the size of smallest
object [5, 6]: during the process of kinetic decoupling col-
lisional damping smears out the inhomogeneities below
the corresponding damping scale. After kinetic decou-
pling WIMPs can move freely and this leads to additional
damping below the free streaming scale. For neutralino
DM, the kinetic decoupling scale is set when the temper-
ature is 10 MeV - 1 GeV for the mass between 100 GeV
and TeV [7].

In radiation dominated era (RD), while the “adiabatic”
component of DM perturbation on sub-horizon scales ex-
periences oscillations followed by collisional damping [8],
the isocurvature perturbation between DM and radia-
tion,
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remains constant without damped oscillations [9, 10].
This property was used to explain large scale structure
with baryon isocurvature perturbation [9], which is ruled
out now by the adiabatic constraint from the cosmic mi-
crowave background (CMB) [11]. However, large isocur-
vature perturbation on small scales is not constrained by
the CMB observations and can give observable signatures
in small scale structure.

In this article, we show how large isocurvature pertur-
bation of WIMPs can be generated for scales that enter
the horizon before the kinetic decoupling. If S = 0 at the
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onset of RD, it remains so during kinetic equilibrium. In-
stead, if an early matter dominated era precedes RD, a
sizable amount of S can be generated. We note that this
isocurvature perturbation will not be damped even if the
kinetic decoupling happens after the transition to RD.
Dark matter in non-thermal background. In the early

universe, it happens often that the energy density of the
universe is dominated by a non-relativistic matter which
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli and so on. As an illustra-
tion, we consider this dominating non-relativistic mat-
ter as a scalar � with a decay rate ��. Accordingly,
we call the epoch during which � dominates the energy
density as the scalar dominated era (SD). In the back-
ground, then there are three species of fluid: �, radiation
and DM. Their evolutions are governed by the continuity
equations,
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where M is the mass of the DM particle, fm is the frac-
tion of the decay of � into DM, h�avi is the thermal
averaged annihilation cross section of DM and ⇢eqm ⇡
M4(2⇡M/T )�3/2 exp(�M/T ) is the energy density of
DM in thermal equilibrium. Here radiation is the rela-
tivistic particles thermalized quickly when produced from
the decay of �, and thus the temperature T is prop-
erly defined by its energy density ⇢r = ⇡2g⇤T
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g⇤ being the e↵ective degrees of freedom of the rela-
tivistic particles in thermal equilibrium. The reheat-
ing temperature is then approximately given by T
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��. For successful big bang nucle-
osynthesis, we require that T
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WIMP Isocurvature Perturbation
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The adiabatic perturbation of dark matter is damped during the kinetic decoupling due to the collision
with a relativistic component on subhorizon scales. However, the isocurvature part is free from damping
and could be large enough to make a substantial contribution to the formation of small scale structure. We
explicitly study the weakly interacting massive particles as dark matter with an early matter dominated
period before radiation domination and show that the isocurvature perturbation is generated during the
phase transition and leaves an imprint in the observable signatures for small scale structure.
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Introduction.—The formation of large scale structure is
consistent with nonrelativistic dark matter (DM) indepen-
dent of its nature. Small scale structure, however, depends
on the microphysics of DM and the corresponding evolu-
tion in the early Universe [1–4]. For weakly interacting
massive particles (WIMPs), the kinetic decoupling is a
crucial stage to determine the size of the smallest object
[5,6]: during the process of kinetic decoupling collisional
damping smears out the inhomogeneities below the corre-
sponding damping scale. After kinetic decoupling, WIMPs
can move freely and this leads to additional damping below
the free streaming scale. For neutralino DM, the kinetic
decoupling scale is set when the temperature is 10 MeV–
1 GeV for the mass between 100 GeV and TeV [7].
In the radiation dominated era (RD), while the “adia-

batic” component of DM perturbation on subhorizon scales
experiences oscillations followed by collisional damping
[8], the isocurvature perturbation between DM and
radiation,

S≡ 3H
!
δρm
_ρm

−
δρr
_ρr

"
¼ δm −

3

4
δr; ð1Þ

remains constant without damped oscillations [9,10]. This
property was used to explain large scale structure with
baryon isocurvature perturbation [9], which is ruled out
now by the adiabatic constraint from the cosmic microwave
background (CMB) [11]. However, large isocurvature
perturbation on small scales is not constrained by the
CMB observations and can give observable signatures in
small scale structure.
In this Letter, we show how large isocurvature pertur-

bation of WIMPs can be generated for scales that enter the
horizon before the kinetic decoupling. If S ¼ 0 at the onset
of RD, it remains so during kinetic equilibrium. Instead, if

an early matter dominated era precedes RD, a sizable
amount of S can be generated. We note that this isocurva-
ture perturbation will not be damped even if the kinetic
decoupling happens after the transition to RD.
Dark matter in nonthermal background.—In the early

Universe, it happens often that the energy density of the
Universe is dominated by a nonrelativistic matter that
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli, and so on. As an illustration,
we consider this dominating nonrelativistic matter as a
scalar ϕ with a decay rate Γϕ. Accordingly, we call the
epoch during which ϕ dominates the energy density the
scalar dominated era (SD). In the background there are
three species of fluid: ϕ, radiation, and DM. Their evolu-
tions are governed by the continuity equations,

_ρϕ þ 3Hρϕ ¼ −Γϕρϕ; ð2Þ

_ρr þ 4Hρr ¼ ð1 − fmÞΓϕρϕ þ
hσavi
M

½ρ2m − ðρeqm Þ2&; ð3Þ

_ρm þ 3Hρm ¼ fmΓϕρϕ −
hσavi
M

½ρ2m − ðρeqm Þ2&; ð4Þ

where M is the mass of the DM particle, fm is the fraction
of the decay of ϕ into DM, hσavi is the thermal averaged
annihilation cross section of DM and ρeqm ≈
M4ð2πM=TÞ−3=2 expð−M=TÞ is the energy density of
DM in thermal equilibrium. Here, radiation is the relativ-
istic particles thermalized quickly when produced from the
decay of ϕ, and thus the temperature T is properly defined
by its energy density ρr ¼ π2g'T4=30 with g' being the
effective degrees of freedom of the relativistic particles in
thermal equilibrium. The reheating temperature is then
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Low Reheating Temperature

• Inflaton oscillation

• Thermal inflation

• Curvaton domination

• Heavy axino and saxion

• Moduli decay

• .....

The Universe is dominated by heavy particles (early matter domination) 
and reheated (radiation domination) by the decay of them. It happens 
for:
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: early matter domination by a scalar

Rad.-dominated

Scalar-dominated

The perturbation equations we need to solve can be microscopically derived from the Boltzmann
equation, and for each component ↵ are given by

�̇↵ + (1 + w↵)
✓↵
a

� 3(1 + w↵) ̇ =
1

⇢↵
(�Q↵ �Q↵�↵ +Q↵�) , (13)

✓̇↵ + (1� 3w↵)H✓↵ +
��

a
+

w↵

1 + w↵

��↵
a

=
1

⇢↵

"
@iQ

i
(↵)

1 + w↵

�Q↵✓↵

#
, (14)

where ✓↵ ⌘ r · v↵ = @iv
i
↵ is the velocity divergence field. The energy-momentum transfer

functions Q↵, �Q↵ and @iQ
i
(↵) are derived in Appendix A and are given by

Q� = ���⇢� , (15)
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h�vi
M
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⇤
, (16)
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where we put fm = 0. In this perturbation equations, we included the elastic scattering
cross section between radiation and DM, �e, which makes DMs are coupled kinetically to the
radiation before they reaches the kinetic decoupling. The 00 component of the perturbed
Einstein equation governs the evolution of the metric perturbations,

�

a2
 � 3H

⇣
 ̇+H�

⌘
=

1

2m2
Pl

(⇢��� + ⇢r�r + ⇢m�m) . (24)

Note that in the absence of the anisotropic tensor as in our setup, � =  which then closes the
set of equations we need to solve.

3.1 Perturbations with WIMP DM

We first consider WIMP DM. For M = O(100) GeV, the chemical freeze-out temperature Tfr

is around several GeV, but DM is still in kinetic equilibrium. For usual WIMP, the kinetic
decoupling arises at Tkd = O(1� 10) MeV. Thus, as a benchmark scenario, we consider Treh =
O(10� 100) MeV so that

Tfr > Treh > Tkd . (25)
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FIG. 1: The evolution of the energy densities of the scalar
(black), radiation (red) and DM (blue) respectively with re-
spect to the initial total energy density. Blue dashed line is the
equilibrium energy density of WIMP, and green dashed lines
denote the asymptotic behavior of radiation energy density.
DM freezes out at a/ai ' 20 and RD starts from a/ai ' 300.

While radiation is produced directly from the decay of
�, DM can be produced in several di↵erent ways [13]. For
simplicity, we assume that DM is produced only from ra-
diation by scatterings and set fm = 0. Even in this case,
a sizable amount of DM can be produced from thermal

plasma. If the interaction of DM with plasma is large
enough, they could be in thermal equilibrium. WIMP
is one such example, which is intimately coupled to the
relativistic plasma and decoupled when T/M ⇠ 1/20, de-
pending on the annihilation cross section h�avi [14]. The
freeze-out may happen during SD or RD after the scalar
decay. For the latter case, there will be no di↵erence from
the thermal WIMP in the standard scenario. Therefore,
in our study, we will focus on the case that WIMPs are
decoupled during SD.

In Figure 1, we show the evolution of the background
energy densities of �, radiation and DM by solving (2)-
(4). During SD, ⇢r scales as ⇢r / a�3/2 due to the con-
tinuous production from the scalar decay and thus the ef-
fective equation of state during SD is �1/2. DM is frozen
during SD, and its energy density decreases simply pro-
portional to a�3 after then. However the interactions by
collisions continue until RD.

Evolution of perturbations. Now we consider the evo-
lution of perturbations. For this, we use the Newtonian
gauge with the metric

ds2 = �(1 + 2�)dt2 + a2(1� 2 )�ijdx
idxj . (5)

The perturbation equations can be derived from the
Boltzmann equation for each component (↵ = �, r and
m) and they are given by
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1
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, (7)

where ✓↵ ⌘ r ·v↵ = @iv
i
↵ is the velocity divergence field,

w� = wm = 0 and wr = 1/3. At leading order of T/M ,
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where we have put fm = 0. In the above equations,
we have included the elastic scattering cross section be-
tween radiation and DM �e which keeps DM and radi-
ation in kinetic equilibrium until they decouple at T

kd

set by ceh�evi⇢r/M |T=Tkd = H(T
kd

), with ce = O(1) be-
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FIG. 1: The evolution of the energy densities of the scalar
(black), radiation (red) and DM (blue) respectively with re-
spect to the initial total energy density. Blue dashed line is the
equilibrium energy density of WIMP, and green dashed lines
denote the asymptotic behavior of radiation energy density.
DM freezes out at a/ai ' 20 and RD starts from a/ai ' 300.

While radiation is produced directly from the decay of
�, DM can be produced in several di↵erent ways [13]. For
simplicity, we assume that DM is produced only from ra-
diation by scatterings and set fm = 0. Even in this case,
a sizable amount of DM can be produced from thermal

plasma. If the interaction of DM with plasma is large
enough, they could be in thermal equilibrium. WIMP
is one such example, which is intimately coupled to the
relativistic plasma and decoupled when T/M ⇠ 1/20, de-
pending on the annihilation cross section h�avi [14]. The
freeze-out may happen during SD or RD after the scalar
decay. For the latter case, there will be no di↵erence from
the thermal WIMP in the standard scenario. Therefore,
in our study, we will focus on the case that WIMPs are
decoupled during SD.

In Figure 1, we show the evolution of the background
energy densities of �, radiation and DM by solving (2)-
(4). During SD, ⇢r scales as ⇢r / a�3/2 due to the con-
tinuous production from the scalar decay and thus the ef-
fective equation of state during SD is �1/2. DM is frozen
during SD, and its energy density decreases simply pro-
portional to a�3 after then. However the interactions by
collisions continue until RD.

Evolution of perturbations. Now we consider the evo-
lution of perturbations. For this, we use the Newtonian
gauge with the metric

ds2 = �(1 + 2�)dt2 + a2(1� 2 )�ijdx
idxj . (5)

The perturbation equations can be derived from the
Boltzmann equation for each component (↵ = �, r and
m) and they are given by
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where we have put fm = 0. In the above equations,
we have included the elastic scattering cross section be-
tween radiation and DM �e which keeps DM and radi-
ation in kinetic equilibrium until they decouple at T
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FIG. 1: The evolution of the energy densities of the scalar
(black), radiation (red) and DM (blue) respectively with re-
spect to the initial total energy density. Blue dashed line is the
equilibrium energy density of WIMP, and green dashed lines
denote the asymptotic behavior of radiation energy density.
DM freezes out at a/ai ' 20 and RD starts from a/ai ' 300.

While radiation is produced directly from the decay of
�, DM can be produced in several di↵erent ways [13]. For
simplicity, we assume that DM is produced only from ra-
diation by scatterings and set fm = 0. Even in this case,
a sizable amount of DM can be produced from thermal

plasma. If the interaction of DM with plasma is large
enough, they could be in thermal equilibrium. WIMP
is one such example, which is intimately coupled to the
relativistic plasma and decoupled when T/M ⇠ 1/20, de-
pending on the annihilation cross section h�avi [14]. The
freeze-out may happen during SD or RD after the scalar
decay. For the latter case, there will be no di↵erence from
the thermal WIMP in the standard scenario. Therefore,
in our study, we will focus on the case that WIMPs are
decoupled during SD.

In Figure 1, we show the evolution of the background
energy densities of �, radiation and DM by solving (2)-
(4). During SD, ⇢r scales as ⇢r / a�3/2 due to the con-
tinuous production from the scalar decay and thus the ef-
fective equation of state during SD is �1/2. DM is frozen
during SD, and its energy density decreases simply pro-
portional to a�3 after then. However the interactions by
collisions continue until RD.

Evolution of perturbations. Now we consider the evo-
lution of perturbations. For this, we use the Newtonian
gauge with the metric

ds2 = �(1 + 2�)dt2 + a2(1� 2 )�ijdx
idxj . (5)

The perturbation equations can be derived from the
Boltzmann equation for each component (↵ = �, r and
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↵ is the velocity divergence field,

w� = wm = 0 and wr = 1/3. At leading order of T/M ,
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where we have put fm = 0. In the above equations,
we have included the elastic scattering cross section be-
tween radiation and DM �e which keeps DM and radi-
ation in kinetic equilibrium until they decouple at T

kd

set by ceh�evi⇢r/M |T=Tkd = H(T
kd

), with ce = O(1) be-
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The adiabatic perturbation of dark matter is damped during the kinetic decoupling due to the
collision with relativistic component on sub-horizon scales. However the isocurvature part is free
from damping and could be large enough to make a substantial contribution to the formation of
small scale structure. We explicitly study the weakly interacting massive particles as dark matter
with an early matter dominated period before radiation domination and show that the isocurvature
perturbation is generated during the phase transition and leaves imprint in the observable signatures
for small scale structure.
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Introduction. The formation of large scale structure
is consistent with non-relativistic dark matter (DM) in-
dependent of its nature. Small scale structure, however,
depends on the microphysics of DM and the correspond-
ing evolution in the early universe [1–4]. For weakly in-
teracting massive particles (WIMPs), the kinetic decou-
pling is a crucial stage to determine the size of smallest
object [5, 6]: during the process of kinetic decoupling col-
lisional damping smears out the inhomogeneities below
the corresponding damping scale. After kinetic decou-
pling WIMPs can move freely and this leads to additional
damping below the free streaming scale. For neutralino
DM, the kinetic decoupling scale is set when the temper-
ature is 10 MeV - 1 GeV for the mass between 100 GeV
and TeV [7].

In radiation dominated era (RD), while the “adiabatic”
component of DM perturbation on sub-horizon scales ex-
periences oscillations followed by collisional damping [8],
the isocurvature perturbation between DM and radia-
tion,

S ⌘ 3H

✓
�⇢m
⇢̇m

� �⇢r
⇢̇r

◆
= �m � 3

4
�r , (1)

remains constant without damped oscillations [9, 10].
This property was used to explain large scale structure
with baryon isocurvature perturbation [9], which is ruled
out now by the adiabatic constraint from the cosmic mi-
crowave background (CMB) [11]. However, large isocur-
vature perturbation on small scales is not constrained by
the CMB observations and can give observable signatures
in small scale structure.

In this article, we show how large isocurvature pertur-
bation of WIMPs can be generated for scales that enter
the horizon before the kinetic decoupling. If S = 0 at the
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onset of RD, it remains so during kinetic equilibrium. In-
stead, if an early matter dominated era precedes RD, a
sizable amount of S can be generated. We note that this
isocurvature perturbation will not be damped even if the
kinetic decoupling happens after the transition to RD.
Dark matter in non-thermal background. In the early

universe, it happens often that the energy density of the
universe is dominated by a non-relativistic matter which
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli and so on. As an illustra-
tion, we consider this dominating non-relativistic mat-
ter as a scalar � with a decay rate ��. Accordingly,
we call the epoch during which � dominates the energy
density as the scalar dominated era (SD). In the back-
ground, then there are three species of fluid: �, radiation
and DM. Their evolutions are governed by the continuity
equations,

⇢̇� + 3H⇢� = ���⇢� , (2)

⇢̇r + 4H⇢r = (1� fm)��⇢� +
h�avi
M

h
⇢2m � (⇢eqm )2

i
,

(3)

⇢̇m + 3H⇢m = fm��⇢� � h�avi
M

h
⇢2m � (⇢eqm )2

i
, (4)

where M is the mass of the DM particle, fm is the frac-
tion of the decay of � into DM, h�avi is the thermal
averaged annihilation cross section of DM and ⇢eqm ⇡
M4(2⇡M/T )�3/2 exp(�M/T ) is the energy density of
DM in thermal equilibrium. Here radiation is the rela-
tivistic particles thermalized quickly when produced from
the decay of �, and thus the temperature T is prop-
erly defined by its energy density ⇢r = ⇡2g⇤T

4/30 with
g⇤ being the e↵ective degrees of freedom of the rela-
tivistic particles in thermal equilibrium. The reheat-
ing temperature is then approximately given by T

reh

⇡
(⇡2g⇤/90)�1/4

p
m

Pl

��. For successful big bang nucle-
osynthesis, we require that T

reh

must be larger than
O(MeV) [12].
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FIG. 1: The evolution of the energy densities of the scalar
(black), radiation (red) and DM (blue) respectively with re-
spect to the initial total energy density. Blue dashed line is the
equilibrium energy density of WIMP, and green dashed lines
denote the asymptotic behavior of radiation energy density.
DM freezes out at a/ai ' 20 and RD starts from a/ai ' 300.

While radiation is produced directly from the decay of
�, DM can be produced in several di↵erent ways [13]. For
simplicity, we assume that DM is produced only from ra-
diation by scatterings and set fm = 0. Even in this case,
a sizable amount of DM can be produced from thermal

plasma. If the interaction of DM with plasma is large
enough, they could be in thermal equilibrium. WIMP
is one such example, which is intimately coupled to the
relativistic plasma and decoupled when T/M ⇠ 1/20, de-
pending on the annihilation cross section h�avi [14]. The
freeze-out may happen during SD or RD after the scalar
decay. For the latter case, there will be no di↵erence from
the thermal WIMP in the standard scenario. Therefore,
in our study, we will focus on the case that WIMPs are
decoupled during SD.

In Figure 1, we show the evolution of the background
energy densities of �, radiation and DM by solving (2)-
(4). During SD, ⇢r scales as ⇢r / a�3/2 due to the con-
tinuous production from the scalar decay and thus the ef-
fective equation of state during SD is �1/2. DM is frozen
during SD, and its energy density decreases simply pro-
portional to a�3 after then. However the interactions by
collisions continue until RD.

Evolution of perturbations. Now we consider the evo-
lution of perturbations. For this, we use the Newtonian
gauge with the metric

ds2 = �(1 + 2�)dt2 + a2(1� 2 )�ijdx
idxj . (5)

The perturbation equations can be derived from the
Boltzmann equation for each component (↵ = �, r and
m) and they are given by
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where we have put fm = 0. In the above equations,
we have included the elastic scattering cross section be-
tween radiation and DM �e which keeps DM and radi-
ation in kinetic equilibrium until they decouple at T

kd

set by ceh�evi⇢r/M |T=Tkd = H(T
kd

), with ce = O(1) be-

We consider that the radiation is generated by the decay of the 
scalar and quickly thermalized.  The DMs are produced from the 
annihilation of radiations like WIMP.
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Introduction. The formation of large scale structure
is consistent with non-relativistic dark matter (DM) in-
dependent of its nature. Small scale structure, however,
depends on the microphysics of DM and the correspond-
ing evolution in the early universe [1–4]. For weakly in-
teracting massive particles (WIMPs), the kinetic decou-
pling is a crucial stage to determine the size of smallest
object [5, 6]: during the process of kinetic decoupling col-
lisional damping smears out the inhomogeneities below
the corresponding damping scale. After kinetic decou-
pling WIMPs can move freely and this leads to additional
damping below the free streaming scale. For neutralino
DM, the kinetic decoupling scale is set when the temper-
ature is 10 MeV - 1 GeV for the mass between 100 GeV
and TeV [7].

In radiation dominated era (RD), while the “adiabatic”
component of DM perturbation on sub-horizon scales ex-
periences oscillations followed by collisional damping [8],
the isocurvature perturbation between DM and radia-
tion,
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remains constant without damped oscillations [9, 10].
This property was used to explain large scale structure
with baryon isocurvature perturbation [9], which is ruled
out now by the adiabatic constraint from the cosmic mi-
crowave background (CMB) [11]. However, large isocur-
vature perturbation on small scales is not constrained by
the CMB observations and can give observable signatures
in small scale structure.

In this article, we show how large isocurvature pertur-
bation of WIMPs can be generated for scales that enter
the horizon before the kinetic decoupling. If S = 0 at the
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onset of RD, it remains so during kinetic equilibrium. In-
stead, if an early matter dominated era precedes RD, a
sizable amount of S can be generated. We note that this
isocurvature perturbation will not be damped even if the
kinetic decoupling happens after the transition to RD.
Dark matter in non-thermal background. In the early

universe, it happens often that the energy density of the
universe is dominated by a non-relativistic matter which
subsequently decays into relativistic particles. This non-
relativistic matter includes a coherently oscillating scalar
field like an inflaton, or massive fields which decay very
late, such as curvaton, moduli and so on. As an illustra-
tion, we consider this dominating non-relativistic mat-
ter as a scalar � with a decay rate ��. Accordingly,
we call the epoch during which � dominates the energy
density as the scalar dominated era (SD). In the back-
ground, then there are three species of fluid: �, radiation
and DM. Their evolutions are governed by the continuity
equations,

⇢̇� + 3H⇢� = ���⇢� , (2)

⇢̇r + 4H⇢r = (1� fm)��⇢� +
h�avi
M

h
⇢2m � (⇢eqm )2

i
,

(3)

⇢̇m + 3H⇢m = fm��⇢� � h�avi
M

h
⇢2m � (⇢eqm )2

i
, (4)

where M is the mass of the DM particle, fm is the frac-
tion of the decay of � into DM, h�avi is the thermal
averaged annihilation cross section of DM and ⇢eqm ⇡
M4(2⇡M/T )�3/2 exp(�M/T ) is the energy density of
DM in thermal equilibrium. Here radiation is the rela-
tivistic particles thermalized quickly when produced from
the decay of �, and thus the temperature T is prop-
erly defined by its energy density ⇢r = ⇡2g⇤T

4/30 with
g⇤ being the e↵ective degrees of freedom of the rela-
tivistic particles in thermal equilibrium. The reheat-
ing temperature is then approximately given by T
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��. For successful big bang nucle-
osynthesis, we require that T
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must be larger than
O(MeV) [12].
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The perturbation equations we need to solve can be microscopically derived from the Boltzmann
equation, and for each component ↵ are given by
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functions Q↵, �Q↵ and @iQ
i
(↵) are derived in Appendix A and are given by

Q� = ���⇢� , (15)

Qr = ��⇢� +
h�vi
M

⇥
⇢2m � (⇢eqm)2

⇤
, (16)

Qm = �h�vi
M

⇥
⇢2m � (⇢eqm)2

⇤
, (17)

�Q� = ���⇢���, (18)

�Qr = ��⇢��� +
2h�vi
M


⇢2m�m � (⇢eqm)2

M

T

�r
4

�
, (19)

�Qm = �2h�vi
M


⇢2m�m � (⇢eqm)2

M

T

�r
4

�
, (20)

@iQ
i
(�) = ���⇢�✓� (21)

@iQ
i
(r) = ��⇢�✓� +

h�vi
M

"
⇢2m✓m � (⇢eqm)2

✓
M

2⇡T

◆1/2

✓r

#
� 4

3

�e

M
⇢m⇢r (✓r � ✓m) , (22)

@iQ
i
(m) = �h�vi

M

"
⇢2m✓m � (⇢eqm)2

✓
M

2⇡T

◆1/2

✓r

#
+

4

3

�e

M
⇢m⇢r (✓r � ✓m) , (23)

where we put fm = 0. In this perturbation equations, we included the elastic scattering
cross section between radiation and DM, �e, which makes DMs are coupled kinetically to the
radiation before they reaches the kinetic decoupling. The 00 component of the perturbed
Einstein equation governs the evolution of the metric perturbations,
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Note that in the absence of the anisotropic tensor as in our setup, � =  which then closes the
set of equations we need to solve.

3.1 Perturbations with WIMP DM

We first consider WIMP DM. For M = O(100) GeV, the chemical freeze-out temperature Tfr

is around several GeV, but DM is still in kinetic equilibrium. For usual WIMP, the kinetic
decoupling arises at Tkd = O(1� 10) MeV. Thus, as a benchmark scenario, we consider Treh =
O(10� 100) MeV so that

Tfr > Treh > Tkd . (25)
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FIG. 1: The evolution of the energy densities of the scalar
(black), radiation (red) and DM (blue) respectively with re-
spect to the initial total energy density. Blue dashed line is the
equilibrium energy density of WIMP, and green dashed lines
denote the asymptotic behavior of radiation energy density.
DM freezes out at a/ai ' 20 and RD starts from a/ai ' 300.

While radiation is produced directly from the decay of
�, DM can be produced in several di↵erent ways [13]. For
simplicity, we assume that DM is produced only from ra-
diation by scatterings and set fm = 0. Even in this case,
a sizable amount of DM can be produced from thermal

plasma. If the interaction of DM with plasma is large
enough, they could be in thermal equilibrium. WIMP
is one such example, which is intimately coupled to the
relativistic plasma and decoupled when T/M ⇠ 1/20, de-
pending on the annihilation cross section h�avi [14]. The
freeze-out may happen during SD or RD after the scalar
decay. For the latter case, there will be no di↵erence from
the thermal WIMP in the standard scenario. Therefore,
in our study, we will focus on the case that WIMPs are
decoupled during SD.

In Figure 1, we show the evolution of the background
energy densities of �, radiation and DM by solving (2)-
(4). During SD, ⇢r scales as ⇢r / a�3/2 due to the con-
tinuous production from the scalar decay and thus the ef-
fective equation of state during SD is �1/2. DM is frozen
during SD, and its energy density decreases simply pro-
portional to a�3 after then. However the interactions by
collisions continue until RD.

Evolution of perturbations. Now we consider the evo-
lution of perturbations. For this, we use the Newtonian
gauge with the metric

ds2 = �(1 + 2�)dt2 + a2(1� 2 )�ijdx
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i
↵ is the velocity divergence field,
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where we have put fm = 0. In the above equations,
we have included the elastic scattering cross section be-
tween radiation and DM �e which keeps DM and radi-
ation in kinetic equilibrium until they decouple at T

kd

set by ceh�evi⇢r/M |T=Tkd = H(T
kd

), with ce = O(1) be-
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whereΔk and ϕk are k-dependent constants while AkðtÞ and
BkðtÞ vary in time. Their time dependence is determined by
the elastic scattering term as
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The values of Δk, ϕk, AkðtrehÞ, and BkðtrehÞ are given at the
onset of RD, and for adiabatic modes they are

Δk ¼ −10Φi; ϕk ¼ 0; AkðtrehÞ ¼ −10Φi;

Bad
k ðtrehÞ ¼ −10Φi

"
γE −
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$
; ð23Þ

where γE ≈ 0.577 is the Euler-Mascheroni constant. Then
on superhorizon scales k ≪ aH we can recover −5Φi=3
during RD. For the modes which enters during RD
(k−1reh < k−1), the solution is [16]
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for hσevi ∝ T2þn, which clearly shows the damping for
k−1 ≪ k−1kd due to the collision with radiation.
Here it is important to note that in Eq. (22) only _Bk

appears. The additional constant term to the adiabatic one is
not damped away even in the kinetic equilibrium and
decoupling periods. As a result, for k−1 ≪ k−1kd , δm is
dominated by the isocurvature perturbation: Bk ¼ Biso

k þ
Bad
k ≃ Biso

k .
Generation of isocurvature perturbation.—For the

modes that enter the horizon during SD after chemical
decoupling of DM, δϕ grows linearly,
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and then logarithmically during RD. Meanwhile, δr grows
during SD, since radiation is continuously produced from
the decay of ϕ. However, after the transition from SD to
RD, this enhancement is lost and δr oscillates with heavily
suppressed amplitude [1].

During kinetic equilibrium, DM is tightly coupled to
radiation, so that θm ≈ θr. Ignoring the effect of DM
annihilation, the relevant equations for δm and δr are, from
Eq. (6),
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where we have neglected Oð1Þ contribution. From SD to
the transition period, both δr and Φ are subdominant
compared to δϕ, and ρr ≈ 2Γϕρϕ=5H. Then the isocurva-
ture perturbation is
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As can be read fromEq. (26), unlike δm, δr is sourced by both
θr and δϕ because there is steady production of radiation
from ϕ. The corresponding isocurvature part becomes Biso

k .
While the isocurvature perturbation can avoid the damp-

ing due to the collision, the diffusion by the free streaming
still exists. Considering the damping effect due to free
streaming, as discussed before we may add a Gaussian
suppression factor to δm as
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where the free streaming scale k−1fr is estimated as (19).
Based on these results, it is straightforward to calculate the

FIG. 3 (color online). Density contrast of DM with
M ¼ 5 TeV, Treh ¼ 0.1 GeV, and Tkd ¼ 0.01 GeV.
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Radiation is still produced from decay of the dominating scalar,
however dark matter is not produced any more.

The difference in the number density creates the isocurvature 
perturbation between dark matter and radiation.
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While the isocurvature perturbation can avoid the damp-

ing due to the collision, the diffusion by the free streaming
still exists. Considering the damping effect due to free
streaming, as discussed before we may add a Gaussian
suppression factor to δm as

δm ≈ exp
"
−

k2

2k2fr

$
5

4
Φi

"
k
kreh

$
2

; ð29Þ

where the free streaming scale k−1fr is estimated as (19).
Based on these results, it is straightforward to calculate the

FIG. 3 (color online). Density contrast of DM with
M ¼ 5 TeV, Treh ¼ 0.1 GeV, and Tkd ¼ 0.01 GeV.
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Creation of Isocurvature Perturbation
After chemical decoupling and before reheating during scalar-
domination:
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The 00 component of the perturbed Einstein equation
governs the evolution of the metric perturbations,

Δ
a2

Ψ − 3Hð _ΨþHΦÞ ¼ 1

2m2
Pl
ðρϕδϕ þ ρrδr þ ρmδmÞ:

ð17Þ

In the absence of the anisotropic tensor, we can set Φ ¼ Ψ,
which then closes the above set of equations. This is
possible since ϕ and radiation, which dominate the energy
density, are isotropic in our setup. Note that the effects of
the anisotropic shear and nonvanishing sound speed of
DM, cs ∼

ffiffiffiffiffiffiffiffiffiffi
T=M

p
, can be important after kinetic decou-

pling for scales smaller than the free streaming length k−1fr .
In Ref. [16], it is shown that when the free streaming length
is much shorter than the scale k−1kd that enters the horizon at
the moment of kinetic decoupling, we can take an approxi-
mation that solving the Boltzmann equations first in the
perfect fluid limit while maintaining the elastic scattering,
and then multiplying the solution by the Gaussian sup-
pression term. Actually, this limit is also physically
interesting, because two different damping scales can be
more clearly distinguished.
In this Letter, we consider the hierarchies among scales

as k−1fr < k−1reh < k−1kd , where k
−1
reh is the scale that enters the

horizon at T ¼ Treh. This means that the free streaming
scale enters the horizon during SD and that kinetic
decoupling occurs during RD. The large hierarchy between
k−1fr and k−1kd can be obtained when M is big enough while
the elastic scattering is mediated by a field much lighter
than DM. In this case, the freeze-out abundance also could
be large, but the subsequent dilution by entropy injection
from the scalar decay can provide the correct amount of the
present DM density [17,18]. For WIMP, we find [19]

k−1kd ¼ 0.86
10 MeV
Tkd

"
g%s

10.75

#
1=3

"
10.75
g%

#
1=2

pc; ð18Þ

k−1reh ¼ k−1kd
Tkd

Treh
; ð19Þ

k−1fr ¼
Z

t0

tkd

dt
a
cs ≈ k−1kd

ffiffiffiffiffiffiffi
Tkd

M

r
log

"
Tkd

Teq

#
; ð20Þ

where g%s is the effective number of light species for
entropy and Teq ¼ OðeVÞ is the temperature at matter-
radiation equality.
In Fig. 2, we show the evolution of perturbations on three

different scales. During SD, the perturbations are adiabatic
on super-horizon scales since both radiation and DM are
produced from a single source ϕ, which set the initial
values of perturbations as δϕðaiÞ ¼ 2δrðaiÞ ¼ −2Φi and
δmðaiÞ ≈MδrðaiÞ=ð4TiÞ, with Ti being determined from
ρrðaiÞ. During the transition from SD to RD, Φ rescales
from Φi to 10Φi=9 on superhorizon scales and accordingly
δr changes from −Φi to −2ð10=9ÞΦi. Meanwhile, at early
times when DM is in thermal (chemical) equilibrium, δm ∝
a3=8 and is reduced to−5Φi=3 during RDwhich follows the
adiabatic condition δm ¼ 3δr=4.
While for modes which enter the horizon after kinetic

decoupling (k−1kd < k−1), δr oscillates and δm grows loga-
rithmically as shown in the left panel of Fig. 2, for themodes
which enter before kinetic decoupling (k−1reh < k−1 < k−1kd ) δm
oscillates together with δr and is damped, which is known as
collisional damping. The nonvanishing subhorizon entropy
perturbation appears due to the damping of δm as shown in
the middle panel of Fig. 2.
An interesting feature happens for the modes that enter

the horizon during SD but after the free streaming scale
enters (k−1fr < k−1 < k−1reh) as in the right panel of Fig. 2.
During the transition from SD to RD, δm does not follow δr,
and the isocurvature perturbation is generated. In this
period, DM is no longer produced after chemical freeze-
out and the number density is frozen while radiation is still
being produced from ϕ. The continuous entropy injection
becomes the source of the isocurvature perturbation
between DM and radiation. This perturbation still persists
even after kinetic decoupling. Before calculating its ana-
lytic expression we explicitly show why it is not damped
from the solution for δm during RD [16],

FIG. 2 (color online). The evolution of the density contrast of the radiation (red), DM (blue), and the isocurvature perturbation (brown)
with respect to the initial gravitational potential for k−1kd < k−1 (k ¼ 0.1kkd, left), k−1reh < k−1 < k−1kd (k ¼ 5kkd ¼ 0.5kreh, middle), and
k−1fr < k−1 < k−1reh (k ¼ 50kkd ¼ 5kreh ¼ 0.8kfr, right). We have set M ¼ 5 TeV, Treh ¼ 0.1 GeV, and Tkd ¼ 0.01 GeV.
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super
horizon

reheating

kinetic 
decoupling

damping enhancement 
during MD

δm ¼ Δk

!"
kffiffiffi
3

p
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$−2
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"
kffiffiffi
3

p
aH

þ ϕk

$
−
"
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3

p
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$−3"
1 −

k2

3a2H2

$
sin

"
kffiffiffi
3

p
aH

þ ϕk

$

þ
Z

∞

k=ð
ffiffi
3

p
aHÞ

cosðxþ ϕkÞ
x

dx
%
þ AkðtÞ log

"
kffiffiffi
3

p
aH

$
þ BkðtÞ; ð21Þ

whereΔk and ϕk are k-dependent constants while AkðtÞ and
BkðtÞ vary in time. Their time dependence is determined by
the elastic scattering term as

_Ak þ ce
hσeviρr
aM

Ak ¼ 9ce
hσeviρr
aM

!
cos

"
kffiffiffi
3

p
aH

þ ϕk

$

þ k

2
ffiffiffi
3

p
aH

sin
"

kffiffiffi
3

p
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þ ϕk

$%
;

_Bk þ _Ak log
"

kffiffiffi
3

p
aH

$
¼ 0: ð22Þ

The values of Δk, ϕk, AkðtrehÞ, and BkðtrehÞ are given at the
onset of RD, and for adiabatic modes they are

Δk ¼ −10Φi; ϕk ¼ 0; AkðtrehÞ ¼ −10Φi;

Bad
k ðtrehÞ ¼ −10Φi

"
γE −

1

2

$
; ð23Þ

where γE ≈ 0.577 is the Euler-Mascheroni constant. Then
on superhorizon scales k ≪ aH we can recover −5Φi=3
during RD. For the modes which enters during RD
(k−1reh < k−1), the solution is [16]

Ak; Bad
k ∝ exp

!
−0.8

"
k

2
ffiffiffi
3

p
kkd

$½ð4þnÞ=ð5þnÞ&%
ð24Þ

for hσevi ∝ T2þn, which clearly shows the damping for
k−1 ≪ k−1kd due to the collision with radiation.
Here it is important to note that in Eq. (22) only _Bk

appears. The additional constant term to the adiabatic one is
not damped away even in the kinetic equilibrium and
decoupling periods. As a result, for k−1 ≪ k−1kd , δm is
dominated by the isocurvature perturbation: Bk ¼ Biso

k þ
Bad
k ≃ Biso

k .
Generation of isocurvature perturbation.—For the

modes that enter the horizon during SD after chemical
decoupling of DM, δϕ grows linearly,

δϕðaÞ ¼ −2Φi −
2

3
Φi

!
k

aiHðaiÞ

%
2 a
ai
; ð25Þ

and then logarithmically during RD. Meanwhile, δr grows
during SD, since radiation is continuously produced from
the decay of ϕ. However, after the transition from SD to
RD, this enhancement is lost and δr oscillates with heavily
suppressed amplitude [1].

During kinetic equilibrium, DM is tightly coupled to
radiation, so that θm ≈ θr. Ignoring the effect of DM
annihilation, the relevant equations for δm and δr are, from
Eq. (6),

_δm ≈ −
θr
a
; ð26Þ

_δr ≈ −
4

3

θr
a
þ
Γϕρϕ
ρr

ðδϕ − δrÞ; ð27Þ

where we have neglected Oð1Þ contribution. From SD to
the transition period, both δr and Φ are subdominant
compared to δϕ, and ρr ≈ 2Γϕρϕ=5H. Then the isocurva-
ture perturbation is

SðtrehÞ ≈ −
3

4

Z
treh

ti
dt

Γϕρϕδϕ
ρr

≈
5

4
Φi

"
k
kreh

$
2

: ð28Þ

As can be read fromEq. (26), unlike δm, δr is sourced by both
θr and δϕ because there is steady production of radiation
from ϕ. The corresponding isocurvature part becomes Biso

k .
While the isocurvature perturbation can avoid the damp-

ing due to the collision, the diffusion by the free streaming
still exists. Considering the damping effect due to free
streaming, as discussed before we may add a Gaussian
suppression factor to δm as

δm ≈ exp
"
−

k2

2k2fr

$
5

4
Φi

"
k
kreh

$
2

; ð29Þ

where the free streaming scale k−1fr is estimated as (19).
Based on these results, it is straightforward to calculate the

FIG. 3 (color online). Density contrast of DM with
M ¼ 5 TeV, Treh ¼ 0.1 GeV, and Tkd ¼ 0.01 GeV.
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Small scale structure
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Galaxy Size 

Bringmann, Scott, Akram 2011

a small velocity dispersion at z=zc

Ultra Compact Mini Halo (UCMH) : 
Non-baryonic Massive compact halo object 

Torsten Bringmann, University of Hamburg !Thermal decoupling of WIMPs

Survival of microhalos

12

N-body simulations can 
follow evolution until z~26

General expectation afterwards: tidal disruption 
important, but compact core should survive...

...though prospects might be much worse.

Details not well understood and still under debate,
more input from simulations needed!

Diemand, Moore & Stadel, Nature ’05

(for field halos and adopting a special multi-scale 
technique)

Berezinsky et al., PRD ’03, PRD ’08; Moore ’05, Diemand, Kuhlen & Madau ApJ 
’06; Green & Goodwin, MNRAS ’07, Goerdt et al., MNRAS ’07; ... 

Zhao et al., ApJ ’07
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⇥
l + · · · . (2070)

Vsoft = m
2
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nÑ
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FIG. 6: Constraints on the allowed amplitude of primordial density (curvature) perturbations P� (PR) at all scales. Here we
give the combined best measurements of the power spectrum on large scales from the CMB, large scale structure, Lyman-↵
observations and other cosmological probes [152, 153, 156]. We also plot upper limits from gamma-ray and reionisation/CMB
searches for UCMHs, and primordial black holes [43]. For ease of reference, we also show the range of possible DM kinetic
decoupling scales for some indicative WIMPs [74]; for a particle model with a kinetic decoupling scale kKD, limits do not apply
at k > kKD. Note that for modes entering the horizon during matter domination, P� (but not PR) should be multiplied by a
further factor of 0.81.

to be n . 1.17. Since large-scale observations actually
put much stronger limits on the spectral index, we have
also considered the case of n = 0.968 ± 0.012, as ob-
tained by WMAP observations, and constrained the al-
lowed additional power below some small scale ks to be at
most a factor of ⇠10–12 (assuming a step-like enhance-
ment in the spectrum). As a third example, we have
obtained quasi-model-independent limits, of the order of
PR . 10�6, on perturbation spectra that can at least
locally be well described by a power law. We would like
to stress, however, that it is intrinsically impossible to
constrain primordial density fluctuations in a completely
model-independent way; one thus has to re-derive such
limits for any particular model of, e.g., inflation which
produces a spectrum that does not fall into one of these
classes. Here, we have provided all the necessary tools to
do so.

We have mentioned that present gravitational lens-
ing data cannot be used to constrain the abundance of
UCMHs – essentially because they are simply not point-
like enough, even in view of their highly dense and con-
centrated cores. Future missions making use of the light-
curve shape in lensing events, however, are likely to probe
or constrain their existence. This would be quite remark-
able as it would allow us to put limits on the power spec-
trum without relying on the WIMP hypothesis for DM.
Most of our formalism is readily extended, or can in fact
be directly applied to, such constraints arising from grav-
itational microlensing.

Finally, we have compiled an extensive list of the most

stringent limits on PR(k) that currently exist in the lit-
erature for the whole range of accessible scales, from the
horizon size today down to scales some 23 orders of mag-
nitude smaller. Direct and indirect observations of the
matter distribution on large scales – in particular galaxy
surveys and CMB observations – constrain the power
spectrum to be PR(k) ⇠ 2 ⇥ 10�9 on scales larger than
about 1Mpc. On sub-Mpc scales, on the other hand, only
upper limits exist. From the non-observation of PBH-
related e↵ects, one can infer PR . 10�2 � 10�1 on all
scales that we consider here. UCMHs are much more
abundant and thus result in considerably stronger con-
straints, PR . 10�6, down to the smallest scale at which
DM is expected to cluster (this depends on the nature of
the DM; for typical WIMPs like neutralino DM, e.g., it
falls into the range k�max ⇠ 8⇥ 104 � 3⇥ 107 Mpc�1).

It is worth recalling that the observational evidence
for a simple, nearly Harrison-Zel’dovich spectrum of den-
sity fluctuations is obtained by probing a relatively small
range of rather large scales. The limits we have provided
here will thus be very useful in constraining any model of
e.g. inflation, or phase transitions in the early Universe,
that predicts deviations from the most simple case and
which would result in more power on small scales.

Ricotti, A. Gould  2009
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Primordial blackhole

Formation of Minihalos
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Searching for Reionization History
time

neutral hydrogen

ionized hydrogen

21 cm line from neutral hydrogen hyperfine structure

minihalo

21 cm line from around minihalos can be observed by SKA etc.
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1.	When	you	are	considering	

3.	You	have	to	consider	

2.	When	the	reheating	temperature	is	low
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WIMP dark matter
Figure 1: The joint 68% and 95% confidence contours for (B, v') (left panel) and

(v', N) (right panel), for Planck TT+lowP (red) and Planck TT, TE, EE+lowP (blue)

data, respectively.
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Isocurvature perturvation of WIMP
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Discussion

 1. Isocurvature perturbation of DM is not suppressed during 
kinetic decoupling. 

32

2. The isocurvature perturbation of WIMP can be generated 
during the early matter domination.

3. The large isocurvature perturbation of WIMP at small scales 
form minihalos. The WIMP DM inside the small scale objects 
can be observed in the gamma-ray, cosmic rays or neutrinos. 
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CMB Distortion from Planck shape

The acoustic waves dissipates its energy by Silk damping, which produces the 
distortion of CMB from Planck distribution.

[Hu, Silk (1993)]
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(v', N) (right panel), for Planck TT+lowP (red) and Planck TT, TE, EE+lowP (blue)

data, respectively.
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scattering for Qz h =2. 5 X 10, 0.015 and
zh =1.2X10, 4X10, respectively. As expected, in the
low Qzh case double Compton scattering plays a role in
shifting the peak of the distortion upwards in frequency.
I 1 h 1 to reduce the distortions at low frequenciest aso eps

lun stillby supplying photons. However, bremsstrahlung sti
plays the dominant role in defining the amplitude. For
the case of Q~ h =0.015, double Compton scattering
does not shift the peak since x, b,(zz))&x, Dc(zit. and
contributes a very small amount to the reduction of low-
frequency distortions. Thus for Q,~ h given by nu-

' 1-cleosynthesis or larger, bremsstrahlung alone is essentia-
ly responsible for determining the low-frequency
behavior.
For the case of small negative chemical potentials, a

very similar analysis holds. Figure 6 displays the time
evolution of a small negative chemical potential
(5n /n z

=7.5 X 10, oe/e= 2.7 X 10, zt, =4 X 10 ) for
Qh =0.25, Q~h =0.025. Labels are as in Fig. 2. In

Fig. 6(a), a 5-function injection of photons is thermalized
under elastic Compton scattering, and a Bose-Einstein
spectrum established. Here, an excess of photons is scat-
tered downward by elastic Compton scattering until
quasiequilibrium is established. It is essential to note that
for small negative chemical potentials, number-changing
processes are sufficiently effective at x, = IILt I to absorb the
down scattered excess. Note also that the high-frequency
spectrum fits well to a Bose-Einstein distribution of nega-
tive chemical potential and thus our qualitative analysis
in Sec. III is verified. Furthermore, Eq. (37) also gives a
reasonable approximation to the chemical potential in
this case: p= —9.8X10,p„„d=—1.0X10
Quasistatic evolution is shown in Fig. 6(b) and similar

deviations from quasiequilibrium occur at z ~zz as was
the case for the positive chemical potential spectrum.
During quasistatic evolution, a small negative chemical
potential behaves very much like a small positive chemi-
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FIG. 5. Comparison of low-frequency spectrumrum with (solid)
and without (without) double Compton scattering for (a)
Q&h =0.0025 and (b) Q&h =0.015. Initial spectrum: injection

x =6 with 5n /n =2 5X10 ', 5e/e=55X10 ' for
d 7X10' fo ( )Qh =0.25. Injection occurs at zz =1.2X10 and

and (b), respectively.

FIG. 6. Time evolution of low-frequency spectrum, p &0.
I ~ ~ ~ ~ =1 z =6X 10 withInitial spectrum: injection at xz-

5n~/n~=7. 5X10, 5e/@=2.7X10 ', for Qh'=0. 25,
0 h =0 025. (a) Establishment of the Bose-Einstein spectrumB
4.75 X 10' &z &6.00X 10' where zI, ~

=z/10'. Unlabeled curve
is z =5.00X 10'. (b) Quasistatic evolution and freeze-out
z„,&z &3.5X10'.

Standard Power spectrum distorts the CMB with 

Figure 1: The joint 68% and 95% confidence contours for (B, v') (left panel) and

(v', N) (right panel), for Planck TT+lowP (red) and Planck TT, TE, EE+lowP (blue)

data, respectively.
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